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Abstract

The fate of massive stars depends largely on the mass and structure of their in-

ner cores, and the composition of their envelopes at death. This is dependent on

the mass loss history of the star, which has significant effects on the evolution

of massive stars, how they die, and the remnants which they leave behind. In

this work, the remnant and supernova type of massive stars are mapped as a

function of initial mass and metallicity, aiming to determine where neutron stars

and black holes are likely to form, and where the different types of supernovae

are produced. These results are combined with various formulations of the initial

mass function, aiming to find the fraction of massive stars forming each remnant

type and producing each type of supernova, at each metallicity considered. This

relies on the data from complete grids of stellar evolution models across a large

range in initial mass and metallicity, which have been computed using GENEC

over the past decade. Consistent input physics allows for interpolation of their

properties across an evenly spaced grid of initial masses, so that the impact of

changing metallicity and rotation can be examined on a macroscopic scale. A

significant proportion of massive stars are found to end their lives as neutron

stars, exploding as Type IIP supernovae. Despite this, the fate of massive stars

is highly variable across metallicity, in particular with relation to pair-instability

supernovae, which leave behind no remnant. The location of the pair-instability

mass gap is also considered, with reference to recent gravitational wave detec-

tions. Considering the fate of massive single stars has far-reaching consequences
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across many different fields within astrophysics, and understanding the impact

of rotation and metallicity will contribute to an improved understanding of how

massive stars end their lives and their impact on the universe.
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Chapter 1

Introduction to massive stars

This introductory chapter provides the context for the main research questions

and thesis as a whole, highlighting the importance of massive stars from both a

theoretical and observational perspective. The aims and objectives of this thesis

are outlined, and the structure is presented.

1.1 Definition and properties of massive stars

Massive stars are defined as stars that produce an iron core at the end of their

evolution, generally corresponding to stars with Mini ≥ 9 M⊙ (Woosley et al.,

2002; Maeder, 2008). Below this mass, the CO core becomes degenerate at the

end of helium burning. This means that it does not reach temperatures above

5 × 108 K, and so cannot begin carbon burning. Such stars then evolve along

the asymptotic giant branch (AGB), experiencing strong mass loss. This removes

what remains of their envelope, and they end their lives as CO white dwarfs. Al-

ternatively, when initial mass is just below Mini = 9 M⊙, degenerate oxygen-neon

cores can form in super-AGB stars (Siess, 2006). They can collapse and give elec-

tron capture supernovae (with a neutron star remnant) or lose their envelopes

and form an O-Ne-Mg white dwarf (Jones et al., 2013). Above this mass, higher

temperatures allow for ignition of carbon in the core, followed by the burning of
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CHAPTER 1. INTRODUCTION TO MASSIVE STARS

heavier fuels until an iron core is formed. Due to its unstable nature, this core

collapses and can result in a supernova explosion. Hence, the very definition of

massive stars has a basis in their final fate. This highlights the importance of

considering what may happen at the end of a massive star’s life, and the wider

implications this may have.

Massive stars are characterised by their high luminosities, short lifetimes, and

dramatic deaths. They are distinctive objects that shape their host galaxies

through contributing to the luminosity of the galaxy as a whole and enriching

its chemical composition. Additionally, they leave behind both neutron stars

and black holes as compact remnants, leaving a lasting legacy long after their

deaths. Such stars have a significant influence on the universe through synthe-

sis of heavy elements, aiding reionisation and providing kinetic energy input to

their surroundings (Murphy et al., 2021). They are progenitors of supernovae,

which are one of the main sources of heavy elements in the universe (Woosley and

Janka, 2005), contributing significantly to the chemical complexity of their host

galaxies. Furthermore, the shockwaves that they generate can act as a catalyst

to the formation of new stars (Weaver, 1976). This interest in the fate of massive

stars and how it may be influenced by different factors is a source of motivation

for this work.

One aim of stellar evolution models is to reproduce observations, and to aid in

their analysis. Hence, it is important to consider notable observations of massive

stars and any observational constrains on stellar models. In particular, the cen-

tral object of the 30 Doradus star-forming region in the Large Magellanic Cloud,

R136, was found to have a mass of 2500 M⊙ by Cassinelli et al. (1981), but it

was later shown that R136 is a young cluster of lower mass objects, each with

mass within the range 165− 320 M⊙ (Crowther et al., 2010; Brands et al., 2022).

2



CHAPTER 1. INTRODUCTION TO MASSIVE STARS

This highlights the uncertainties around finding the mass of observed objects

depending on resolution, and which relies on the use of models unless the star

is part of a spectroscopic binary system (Batten, 1968; Zucker and Alexander,

2006). The longest stage of stellar evolution is the main sequence, followed by the

helium burning phase. Thus, many observations made are of stars in the early

stages of their evolution, as the later stages get shorter and so the likelihood of

observing a star in the advanced stages of evolution is low. Generally, only the

surface properties of stars can be observed (such as surface chemical abundance,

effective temperature, luminosity) using spectroscopic methods and atmospheric

models. These observational properties can be compared to those of stellar evo-

lution models to deduce additional information about the observed star(s) and

accuracy of the models. The ability to reproduce observational results accurately

is important for stellar models; there is a clear interdependence between obser-

vations and models. This highlights the importance of modelling massive stars,

and is another source of motivation for this work.

The initial mass function (IMF) describes the number density of stars in relation

to their initial mass, commonly denoted by Eq. (1.1) and known as the Salpeter

IMF, with an exponent of α = 2.35 for stars with M > 0.5 M⊙ (Salpeter, 1955).

dN

dM
= M−α (1.1)

According to the Salpeter IMF, for every star with an initial mass of 100 M⊙,

there are almost 300 with Mini = 9 M⊙ and over 50,000 with Mini = 1 M⊙. This

exponential relation may seem to suggest that massive stars are insignificant, due

to their low number density. However, this does not account for the fact that they

are responsible for the nucleosynthesis of heavy elements, and have much higher

luminosities than other stars. They disproportionately affect their environments

3



CHAPTER 1. INTRODUCTION TO MASSIVE STARS

when compared to stars of lower mass, and so their significance should not be

underestimated. Other formulations of the IMF suggest that massive stars may

be more common than initially suggested by the Salpeter IMF, and that this may

depend on their metallicity, or take the form of a broken power-law (see Section

1.2.1 for an in-depth discussion of this). Very massive stars are not included in

the mass range covered by the Salpeter IMF and so changes and additions are

required when considering these stars.

Very massive stars are defined as stars with Mini ≥ 100 M⊙ (Yusof et al., 2013;

Köhler et al., 2015; Martinet et al., 2023; Zinnecker and Yorke, 2007). They are

even less numerous than massive stars, see Eq. (1.1), but were possibly more

common in the metal-poor early universe. It is widely accepted that this can

be represented by an updated IMF, with an extended mass range, that levels off

at higher masses and low values of metallicity (Wollenberg et al., 2020; Hirano

et al., 2014; Nakamura and Umemura, 2001) as discussed in Section 1.2.1. With

their luminosities approaching the Eddington limit, very massive stars generally

experience mass loss rates much larger than those experienced by massive stars,

which has a direct impact on their fates. The Eddington limit is a critical lumi-

nosity at which a star’s radiation pressure balances its gravitational forces, given

by Eq. (1.2).

LEdd =
4πGMc

κ
(1.2)

where G is the gravitational constant, M is the mass of the star, c is the speed

of light and κ is the opacity.

As shown by Eq. (1.2), the Eddington limit increases with mass, but decreases

with opacity, which is related to metallicity. Hence, mass loss due to proximity
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to the Eddington limit is one mechanism by which very massive stars with low

metallicities can lose significant amounts of mass throughout their evolution, de-

spite having a lower opacity. It has also been suggested by Sanyal et al. (2015)

that most stars above 40 M⊙ exceed the Eddington limit, and so these effects

may apply to all massive stars, not just very massive stars.

1.2 The life and death of massive stars

Before considering the fate of massive stars, it is important to consider their

evolution to provide the context for both the methodology and results of this work,

presented in Chapters 2 and 3. After all, it is the evolution of a star throughout

its life that shapes its death and final fate. Additionally, considerations of how

massive stars form are useful when considering the IMF, which is used in this

work when determining the fraction of massive stars per remnant and supernova

type in Chapter 4 and allows for comparisons to be made with observational data.

The existence of an upper mass limit is also explored, as this work considers stars

with initial mass of up to 500 M⊙.

1.2.1 Formation and the IMF

The formation of massive stars is an uncertain process; the questions of how mas-

sive stars form and whether an upper mass limit to this formation exists remain

unanswered. Despite such uncertainties, there are two main models for the forma-

tion of massive stars: through accretion or as a result of collisions between stars

of lower mass. The work of Larson (1971) highlighted issues with existing theories

when applied to the formation of massive stars, and also discussed the existence

of an upper mass limit for star formation. It has been suggested that this upper

mass limit exists atM ≈ 150M⊙ (Figer, 2005; Weidner and Kroupa, 2004), which

is significantly higher than that initially given by Larson (1971). A similar limit

5



CHAPTER 1. INTRODUCTION TO MASSIVE STARS

in the range of 120 ≤ M ≤ 200 M⊙ was given by Oey and Clarke (2005), but it is

important to note that these limits represent a statistical upper mass limit based

on the analysis of observational data. Similarly, Larson (1982) suggested that the

upper mass limit is scaled by the mass of the molecular cloud in which the star

forms, and so is variable such that a cloud of mass 105 M⊙ can form a 50 M⊙ star.

The existence of a physical upper mass limit is a different question to which

there is not yet an answer. The mass-luminosity relation is commonly given as

L ∝ M3, which is valid for stars wherein the radiation pressure is negligible.

Using this relation, the Eddington luminosity is reached when M ≈ 150 M⊙,

giving an effective upper mass limit. However, this is not the case for massive

stars which have a mass-luminosity relation of L ∝ M which gives a much higher

theoretical mass limit (Yusof et al., 2013).

It is largely accepted that low and intermediate mass stars form by accretion,

and it is possible that massive stars also form in the same way (Haemmerlé et al.,

2016). There are two ways that a star can form by accretion: core accretion or

competitive accretion (Krumholz et al., 2005; Tan et al., 2014). Initially, a dis-

turbance to the pressure equilibrium of an interstellar cloud, caused by either a

collision with another cloud or a supernova explosion in the vicinity of the cloud,

leads it to partially collapse under its own gravity. It then fragments into smaller

clouds which also begin to collapse; this fragmentation continues until the cloud

fragments are sufficiently small. Here is the first issue when applying this theory

of star formation to that of massive stars: these fragments tend to have mass

approximately equal to the Jeans mass, given by Eq. (1.3) as derived in Maeder

(2008), Section 18.2.1, which is generally smaller than the mass of a protostellar

6



CHAPTER 1. INTRODUCTION TO MASSIVE STARS

core that goes on to form a massive star (Tan et al., 2014).

MJ = 4× 104 M⊙

(
T

100 K

) 3
2 ( n

cm−3

)− 1
2

(1.3)

where T is the temperature and n is the molecular number density.

However, the level of fragmentation may be reduced by both radiation feedback

and the presence of magnetic fields, resulting in fewer fragments each with higher

mass (Krumholz and McKee, 2008). Radiation feedback further heats the gas,

causing the density and Jeans mass to increase. This would mean that massive

stars can continue in their formation without fragmenting to a significant extent.

However, Peters et al. (2010) conclude that this heating does not stop fragmen-

tation and so the formation of massive stars is still limited, but this was only

investigated in regions of lower density than that of a typical massive star form-

ing region.

Magnetic fields transport angular momentum outward through magnetic braking,

preventing the formation of accretion disks which are vulnerable to instabilities

that cause fragmentation (Myers et al., 2013). The magnetic braking originates

from a magnetic tension force caused by inner regions of the cloud collapsing

faster than the outer regions (Stahler and Palla, 2008). Magnetic fields also pro-

vide extra pressure support that can prevent collapse, unless their magnetic flux

to mass ratio remains below a critical value, given by Crutcher (2012). This

means that higher fragment masses can be reached before collapse occurs. The

effects of radiation feedback and magnetic fields complement each other: early

magnetic braking directs gas towards the centre of a forming star. This will in-

crease the accretion rate, and so the luminosity also increases, leading to more

effective radiative heating. A lack of fragmentation would suggest that massive

7
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stars are more likely to form in single star systems. This is not in line with ob-

servational evidence showing that massive stars do not typically form in isolation

and have high levels of multiplicity (Chini et al., 2012; Preibisch et al., 2001; Sana

et al., 2012). Hence, the extent to which fragmentation occurs and has an impact

on the formation of massive stars is very uncertain.

After some degree of fragmentation, the density of the collapsing cloud increases,

making the gas opaque to infrared photons, and so the temperature and pressure

within the cloud increase to form a protostellar core (Tan et al., 2014). An ac-

cretion disk forms about the protostellar core, whereby the surrounding gas falls

onto the core. The resulting gravitational energy either contributes towards heat-

ing the core or is radiated away, acting as a source of luminosity. The molecular

hydrogen within the protostar begins to dissociate into atomic hydrogen due to

rising temperatures, and any gravitational energy is absorbed by the dissociating

molecules. Hence, hydrostatic equilibrium is no longer possible, and the tem-

perature stops rising. Once all of the hydrogen has been dissociated, a state of

hydrostatic equilibrium is reached again and the temperature starts to increase.

At higher temperatures, this process repeats for the ionisation of helium. When

the ionisation processes are complete, the protostar is once again in a state of hy-

drostatic equilibrium with a much smaller radius. Ionisation may cause accretion

to slow once the mass of the protostar exceeds 50− 100 M⊙, eventually causing

accretion to stop at 150 M⊙ (McKee and Tan, 2008). This effect is largely reliant

on the environment around the protostar, and so the potential limitation on ac-

cretion and mass is uncertain. When the rate of accretion does eventually slow

to zero, the protostar becomes a pre-main sequence star.

Note that massive stars are likely to be still undergoing accretion throughout

the main sequence, due to the timescale of accretion being longer than that of

8
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the main sequence (see the lifetimes given by Iben (1965) for example), highlight-

ing another issue with the accretion mechanism when considering the formation

of massive stars. Forming a star above 100 M⊙ with an accretion timescale less

than its main sequence lifetime (on the order of a few Myr) would need very

high accretion rates, which are more likely to increase fragmentation. So even

if massive stars can form by accretion, this may not be possible for very mas-

sive stars. In the most widely accepted mechanism of formation by which stars

are thought to form, the surface cools, and a temperature gradient transporting

heat towards the surface forms. The star is too cool to begin nuclear burning,

and so the source of luminosity is gravitational contraction, which continues until

core temperatures are high enough for hydrogen fusion to begin. In very massive

stars, the temperatures required to begin burning hydrogen are reached before

the rate of accretion reaches zero, and so there is likely an overlap between these

two phases (Keto and Wood, 2006).

Alternatively, (very) massive stars may form by collision. This mechanism of

formation also presents challenges, especially when considering collisions between

massive stars: they have short lifetimes which limits when collisions could occur

and there is generally a large separation between them. This would require clus-

ters of very high density, which have not been observed (see Portegies Zwart et al.

(2010) for a review on the topic). Due to this, models of formation of massive

stars by collision centre around inducing a short-lived phase of high density in

young clusters. For example, Bonnell and Bate (2005) employ high-mass close

binary systems formed through accretion which merge to form very massive stars.

Overall, the literature considered suggests that most stars form via accretion, but

very massive stars may form during collisions between massive stars. Since stars

of lower mass are thought to form via accretion, formation by collision would

mean that (very) massive stars are members of a distinct population when con-
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sidering initial mass functions, due to this alternative mechanism of formation.

There is some observational evidence for a power-law break in the IMF at high

masses, suggesting that the IMF may take the form of Eq. (1.4), edited from

Stanway and Eldridge (2019) for consideration of massive stars.

dN

dM
=

∫ Mm

Ml

M−αmdM +

∫ Mu

Mm

M−αudM (1.4)

where α has the same meaning as within the Salpeter IMF given by Eq. (1.1),

and the subscripts l,m, u refer to a lower mass limit, massive star mass limit and

upper mass limit, and their respective exponents.

The 30 Doradus star-forming region in the Large Magellanic Cloud (Z = 0.006)

has been found to contain up to 32% more stars with M > 30 M⊙ than predicted

by the Salpeter IMF (see Section 1.1). An exponent of α = 1.90 for Eq. (1.1) has

been calculated based on spectroscopic observations of stars with mass ranging

from 15 M⊙ to 200 M⊙, as shown in Fig. 1.1 (Schneider et al., 2018). From this,

the exponents in Eq. (1.4) can be given as αm = 2.35 and αu = 1.90 where Mm

and Mu correspond to the mass value at which the IMF breaks and an upper

mass limit. It is important to note that a significant proportion of the sample

stars considered by Schneider et al. (2018) were expected to be products of mass

transfer in binary systems, and so the calculated IMF exponent may not be accu-

rate for single stars. However, binary mass transfer also results in stars appearing

younger than they are, and so these two effects may cancel each other out (Schnei-

der et al., 2013). This highlights the uncertainty in such calculations, which is

important to consider when drawing conclusions from IMF weighted proportions

of remnant and supernova type (see Chapter 3).

It has also been shown that metallicity may influence the IMF, such that low
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Figure 1.1: Distribution of initial masses of massive stars in 30 Doradus. Taken
from Schneider et al. (2018) (Fig. 1).

metallicities result in a heavier mass distribution than higher metallicities (Tanvir

and Krumholz, 2024; Marks et al., 2012; Li et al., 2023; Nakamura and Umemura,

2001; Ohkubo et al., 2009; Chon et al., 2021). Metallicity directly impacts dust

abundances, which is important as dust couples gas to stellar radiation fields. De-

creasing the metallicity causes less fragmentation due to the effects of radiation

feedback (as discussed above), reducing the amount of cooling during forma-

tion (Bromm et al., 1999; Ohkubo et al., 2009; Li et al., 2023). This effect is only

seen at higher masses, and it is acknowledged by Tanvir and Krumholz (2024)

that variations in the IMF due to metallicity have limited significance. Despite

this, there is increasing evidence that mass distributions at low metallicities are

‘top-heavy’ (Marks et al., 2012; Li et al., 2023; Nakamura and Umemura, 2001),

but no functional relations describing how the number density varies with metal-

licity have been given. However, Bate (2019) found that changes in metallicity

have very little effect on the IMF, using radiation hydrodynamical simulations to
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reach their conclusions rather than observations. The effect of varying metallicity

on the IMF is one avenue for exploration in this work due to its uncertain nature,

with the aim of calculating the proportions of different remnant/supernova types

from massive stars and comparing results with observational data.

The formation of massive stars is linked to their fates through the consideration of

an upper mass limit and the formulation of the IMF. If (very) massive stars form

a distinct population due to different formation mechanism, then the analysis of

their fates must account for this, particularly when considering the proportion of

massive stars that form different types of remnant and explode as different types

of supernova. Additionally, if an upper mass limit below M ≈ 120 M⊙ exists,

then there is no need to consider pair-instability supernovae as a potential fate,

as their progenitors are thought to be very massive stars (Farmer et al., 2019).

Uncertainties in the mechanism of star formation and therefore the distribution

of initial masses may seem like a very significant issue when considering the evo-

lution and fate of massive stars. However, this is not the case. Once the star

reaches hydrostatic and thermal equilibrium on the main sequence, the structure

and evolution of the star over time only depend on the initial composition and

the four stellar structure equations given in Chapter 2. Hence, by the time nu-

clear burning begins, issues around the formation mechanism do not translate

into uncertainties in their structure.

The time a star takes to start hydrogen burning and reach the zero-age main

sequence (ZAMS) depends on its mass. Since nuclear burning has not yet begun,

this depends on gravitational contraction and so occurs on the Kelvin-Helmholtz

thermal timescale, approximately given by Eq. (1.5), with the mass relation for
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the time taken to reach the ZAMS given by Eq. (1.6).

τKH ≈ Eint

L
≈ |Egrav|

2L
≈ GM2

2RL
(1.5)

τZAMS ≈ 107
(

M

M⊙

)−2.5

yr (1.6)

It is important to note that the nuclear timescale, τnuc, is at least two orders

of magnitude longer than the Kelvin-Helmholtz timescale, which is many orders

of magnitude longer than the dynamical timescale, τdyn. Hence, nuclear reac-

tions generally determine the pace of stellar evolution, apart from when they are

inefficient, or have not yet begun.

1.2.2 Early stages

Massive stars spend most of their lives on the main sequence. At the onset of

hydrogen burning in the core, the temperature and pressure in the core of mas-

sive stars is high enough that the CNO cycle dominates over the pp−chain (above

T ≈ 2×107 K). This is also the point at which the structure of a typical low mass

star with a radiative core and a convective envelope switches to that of a massive

star with a convective core and a radiative envelope. The nuclear binding energy

released by the reactions of the CNO cycle account for the energy generation of

core hydrogen burning, and balance gravity and the significant energy loss at the

surface. The reactions of the various CNO cycles are summarised in Fig. 1.2. The

general idea is that helium is formed from hydrogen using carbon, nitrogen and

oxygen as ‘catalysts’ whereby they are involved in the reactions but are regener-

ated.

Once hydrogen in the core is fully depleted, there is no longer any energy gener-

ated in the core and a hydrogen burning shell provides the energy needed for
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Figure 1.2: The CNO cycle, with stable nuclei shown as shaded squares. Taken
from Iliadis (2015) (Fig. 5.8).
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the star to remain in equilibrium. It is important to note that core and shell

burning are distinct processes: shell burning occurs in an environment with

higher temperatures and pressures so will have a slightly different nucleosyn-

thesis. Hydrogen burning can also occur through the Ne-Na and Mg-Al cycles

at high enough temperatures, such as those reached during shell hydrogen burn-

ing. In the final reaction in the CNO4 cycle given in Fig. 1.2, 18F can instead

combine with an alpha particle to start the Ne-Na cycle, if high enough temper-

atures are reached. Furthermore, when the temperature increases further, above

T ≈ 3.5− 4× 107 K, the Mg-Al cycle can branch off from the Ne-Na cycle. This

leads to the production of 26Al through proton captures on 25Mg, which acts

as an observational marker for massive star formation in the universe (Prantzos

and Diehl, 1996; Meynet et al., 1997). These reactions are unlikely to occur dur-

ing core hydrogen burning as they require much higher temperatures. The CNO

cycle has a significantly higher temperature dependence than the pp−chain, so

stars with higher mass burn hydrogen at a faster rate and so spend less time on

the main sequence. At this point in the evolution, the core is rapidly contracting

while the envelope expands; this is often described as ‘mirror-like’ behaviour (see

Sugimoto and Fujimoto (2000) for a review of possible mechanisms and Padman-

abhan (2000) for a simple explanation of this effect). For the star to remain in

thermal equilibrium, the temperature of the hydrogen burning shell must remain

constant. If the shell were to contract, this would lead to an increase in temper-

ature, hence the radius of the shell must also remain constant. Thus, as the core

contracts, the density of the shell must decrease and it follows that the pressure of

the shell would also decrease. And so the pressure of the envelope must decrease,

leading to an increase in the radius of the envelope above the shell, maintaining

thermal and hydrostatic equilibrium. The contraction happens rapidly on the

Kelvin-Helmholtz thermal timescale, Eq. (1.5), continuing until helium burning

begins at T ≈ 5× 108 K.
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Core helium burning is a significantly shorter phase where the 3α reaction ac-

counts for energy generation in the core. The 3α reaction has two steps, starting

with the fusion of two alpha particles to form unstable 8Be, given by Eq. (1.7).

Then, a third alpha particle participates in the reaction given by Eq. (1.8), if the

unstable 8Be has not already decayed back into two alpha particles.

4He + 4He → 8Be + γ (1.7)

4He + 8Be → 12C + γ (1.8)

This process has a sensitive dependence on temperature due to the very short half

life of 8Be, as a third alpha particle needs to react with the unstable 8Be before it

can undergo α-disintegration. Overall, the 3α reaction increases the core abun-

dance of 12C. However, when temperatures increase further and the abundance of

carbon is high enough, the reaction 12C(α, γ)16O begins to produce oxygen at the

expense of carbon. It is more efficient in massive stars and so the C/O ratio found

at the end of core helium burning is lower in stars with higher mass. This reaction

is important when considering the fate of massive stars: if it has a faster rate, then

there is less C left in the core at the onset of carbon burning which then leads to

the core carbon burning phase being shorter (Tur et al., 2007). This means that

there is less energy loss via neutrinos during the advanced phases and so the star

has a higher core mass, directly influencing the fate and ‘explodability’ of the star.

Uncertainties around the rate of this reaction introduce problems in predicting

the fate of massive stars. There have been a series of attempts to determine the

temperature dependence of the rate (Caughlan et al., 1985; Holt et al., 2019),

but uncertainties persist. Small variations in this rate affect the determination

of the fate of massive stars significantly, particularly when considering if stars at
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low metallicity end their lives as PISN (Farmer et al. (2020); Takahashi (2018),

also see Section 1.2.4).

The C/O ratio and the CO core mass are both factors that significantly impact

the compactness of pre-supernova stellar cores, and hence affect the explodability

of the star and its final fate (Sukhbold and Woosley, 2014). The C/O ratio is

strongly related to the initial mass of the star, and so consideration of the CO core

mass alone is sufficient for the purposes of this work. See however Farmer et al.

(2019) for an example of how changing the C/O ratio by varying the 12C(α, γ)16O

reaction rate can change the boundaries for determining the fate of a massive star.

From the end of core helium burning, the CO core mass remains constant and so,

in this work, the CO core mass at the end of helium burning is used to determine

the type of remnant left behind by massive stars (see Chapter 3).

In very massive stars, even higher temperatures are reached and so the reactions

16O(α, γ)20Ne and 20Ne(α, γ)24Mg continue to reduce the abundance of helium

remaining in the core. In addition to these reactions, the helium burning core al-

lows for further nucleosynthesis via the slow neutron-capture process (s-process),

to produce even heavier elements (Woosley et al., 2002). From the end of core

helium burning, the evolution of the core is disconnected from that of the enve-

lope as they evolve on very different timescales (the Kelvin-Helmholtz thermal

timescale of the envelope and the nuclear timescale of the core diverge signifi-

cantly at this point) and so the core evolution cannot be inferred from surface

properties. At the end of helium burning, the core is mostly composed of 12C and

16O, and 20Ne in very massive stars. And so, the early stages of the evolution of

a massive star play a significant role in determining their final fate.
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Evolution in the HRD

As hydrogen is burned to produce helium during the main sequence, the mean

molecular weight, µ, increases. The effects of this can be seen in the HR diagram:

massive stars experience an increase in luminosity from the ZAMS to the point

when the central hydrogen abundance decreases significantly at the end of core

hydrogen burning, as shown by Fig. 1.3. Generally, chemically inhomogeneous

stars evolve above and to the right of the ZAMS, as shown by the left panel of

Fig. 1.3. When the core hydrogen abundance is sufficiently low, burning moves

outwards towards the edge of the core as it contracts. The surface effects of this

can be seen as a ‘hook’ in the HR diagram towards higher effective temperatures,

marked by a blue dot in Fig. 1.3. The start of core helium burning is marked

by the green dot in Fig. 1.3 at lower effective temperature and higher luminosity

due to the mirror-like behaviour explained in Section 1.2.2. Very massive stars

are almost chemically homogeneous, and so evolution in the HR diagram during

core helium burning is different for massive and very massive stars, as shown

by Fig. 1.3. Very massive stars evolve vertically in the HR diagram, covering a

wide range of luminosities over a narrow range of effective temperatures, due to

significant mixing as a result of extensive convective zones alongside strong mass

loss. The track of the 150 M⊙ star shown in the right panel of Fig. 1.3 evolves

to lower effective temperature prior to the end of core helium burning, which is

shown in Fig. 1.3 as an orange dot, due to the expansion of the envelope caused

by energy released during core contraction (similar behaviour to that at the end

of hydrogen burning).

1.2.3 Advanced stages

When a significant amount of helium in the core has been depleted, the core

begins to contract again. During this process, the star is sustained by a hydrogen

burning shell and a helium burning shell. This continues until the temperature
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Figure 1.3: HR diagrams with evolutionary tracks for non-rotating 15 M⊙ (left)
and 150 M⊙ (right) models at solar metallicity. The red dot indicates the start of
core hydrogen burning (ZAMS), blue is the end of core hydrogen burning, green
is the start of core helium burning, and orange is the end of core helium burning.
Models taken from Ekström et al. (2012).
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in the core is high enough for core carbon burning to begin, when T ≈ 6 × 108

K. Carbon burning proceeds through the 12C+12 C fusion reaction to give 24Mg,

which is in an excited state and so decays via various pathways. At this tem-

perature, the most important pathways for this reaction are 12C(12C, α)20Ne

and 12C(12C, p)23Na. Towards the end of core carbon burning, the reaction

12C(12C, n)23Mg can also occur due to the increased temperature of the core.

Note that in each of the possible pathways, a light particle is emitted in order

to carry the excess energy from the production of 24Mg. These light particles

can go on to initiate a series of secondary reactions involving the heavier nuclei

produced by the primary reactions. After the carbon in the core is exhausted,

carbon burning occurs in a series of successive carbon burning shells. At the end

of core carbon burning, the core is mostly made up of 16O, 20Ne and 23Na.

Due to the stability of 16O, core oxygen burning does not begin until T ≈ 2× 109

K and so photodisintegration of neon in the core occurs first at T ≈ 1.2× 109 K.

The most important reaction is 20Ne(γ, α)16O, and the alpha particles produced

by this reaction are captured in the 20Ne(α, γ)24Mg reaction, then again in the

24Mg(α, γ)28Si reaction. When core neon burning can begin depends on the mass

of the CO core at the end of core helium burning: for MCO > 3 M⊙, it can

begin soon after the end of core carbon burning but for MCO < 3 M⊙, the second

carbon burning shell must have disappeared in order for the core to be massive

enough for neon burning to begin (Chieffi and Limongi, 2020). At the end of core

neon burning, the core is mostly made up of 16O, 24Mg and 28Si. The core con-

tracts again until temperatures are high enough for core oxygen burning to begin.

At this point, massive stars with very low metallicity may end their lives in a

pair-instability supernova (PISN). Electron-positron pair production at the start

of core oxygen burning causes the star to become unstable, and results in

20



CHAPTER 1. INTRODUCTION TO MASSIVE STARS

Figure 1.4: Binding energy per nucleon as a function of mass number, A. Taken
from Carroll and Ostlie (2017) (Fig. 10.9).
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an implosion of the core (Fowler and Hoyle, 1964). A single pulse disrupts the

entire star as a PISN, leaving no remnant behind. This is thought to occur in

stars at low metallicity with initial masses of 140− 260 M⊙ (Woosley, 2017). For

stars at slightly lower mass or higher metallicity, a pulsational pair-instability su-

pernova (PPISN) may result, ending with a core-collapse supernova and leaving

behind a black hole remnant. This occurs when the initial pulse is not energetic

enough to completely disrupt the star, and so the core contracts, then continues

burning oxygen, then expands and cools then contracts again, and the sequence

continues.

Eventually, the core mass is low enough that the star is no longer unstable and

can finish oxygen/silicon burning in hydrostatic equilibrium. PPISN have been

studied less extensively than PISN in terms of theory, and there have been no

confirmed observations of either phenomenon. SN 2007bi is an example of a po-

tential PISN candidate, as it was very luminous and long-lasting (Gal-Yam et al.,

2009). Despite the lack of direct observational evidence, a black hole mass gap

between 64 − 161 M⊙ has been observed (Woosley and Heger, 2021), which is

thought to be due to PISN. The existence of this mass gap has been challenged

recently, due to the discovery of black holes that exist as merging pairs, with

masses of ∼ 60− 85 M⊙ (Abbott et al., 2021, 2020) and the location of the mass

gap is also still uncertain (Winch et al., 2024).

Otherwise, during core oxygen burning, the 16O+16O fusion proceeds in a similar

fashion to carbon burning with the emission of light particles due to the produc-

tion of excited 32S, with many likely reaction pathways and following secondary

reactions. The rates for oxygen burning are not known to a large degree of accu-

racy due to uncertainties around the branching ratios of these different reactions

(Spinka and Winkler, 1974; Woosley et al., 2002). At the end of core oxygen
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Figure 1.5: Illustration of the structure of the interior of a massive star during
the advanced stages of evolution (not to scale). Taken from Kippenhahn et al.
(1990) (Fig. 33.1).

burning, the core mostly consists of 28Si and 32S. Once again, the core contracts

and the temperature increases but silicon burning does not proceed through the

fusion of 28Si with itself, as the Coulomb barrier for the reaction is too high.

Once the core temperature reaches T ≈ 4 × 109 K, core silicon burning pro-

ceeds in a similar way to that of neon: through photodisintegration reactions

whereby the silicon nuclei are broken up by high energy thermal photons, re-

leasing light particles (mostly alpha particles) which combine with other nuclei in

further secondary reactions (Woosley et al., 1973). Overall, this process results in

a complex sequence of reactions forming nuclei with mass numbers from ∼ 30−56

(Phillips, 2013). Note that 62Ni is the most stable nucleus, as per Fig. 1.4 where

it can be found at the peak of the curve, with the highest binding energy. Hence,

this is the nucleus at which the Coulomb barrier becomes too high, nuclear fusion

becomes endothermic and so stops; heavier nuclei can only be formed through

processes such as neutron capture. At the end of silicon burning, nuclear statis-
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tical equilibrium is reached by every nuclide from protons to iron-peak elements.

However, weak interactions are not involved in this equilibrium as the neutrinos

involved leave the star without interaction, as their mean free path is larger than

the radius of the star, and so are not involved in the reverse reaction. These weak

interactions cause a large neutron excess, favouring neutron-rich isotopes. The

structure of the star at this point in the evolution is given by Fig. 1.5, showing

the ‘onion-like’ layers resulting from each burning stage.

Kippenhahn diagram

The advanced stages of evolution can be illustrated in a Kippenhahn diagram,

showing convective regions and total mass through the evolution. In Fig. 1.6,

the convective alpha core and CO core can be seen during the early phases of

evolution, alongside the hydrogen burning shell above the helium burning core.

The convective carbon burning core is also shaded, and the series of convective

carbon burning shells that follow core carbon burning can be seen. These shells

are very significant in determining the fate of a massive star, and are thought

to be responsible for the compactness peak discussed in Chapter 3 (Sukhbold

and Woosley, 2014). Following this, the advanced phases of evolution continue

through core neon, oxygen and silicon burning, illustrating the series of convective

cores and burning shells during the evolution.
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Figure 1.6: Kippenhahn diagram for the 20 M⊙ non-rotating model with Z =
10−5. Model taken from Sibony et al. (2024)
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1.2.4 Core collapse and beyond

At the end of silicon burning, the core is largely composed of iron-peak elements.

At this point, it becomes inert as insufficient amounts of energy can be released

by nuclear reactions. A brief overview of the mechanism by which core collapse

and the following supernova explosion occurs will be provided in this section (see

Müller et al. (2016) for more detail, and Fig. 1.7 for an overview). At high

density and pressure inside the inert core, free electrons are captured onto heavy

nuclei and electron degeneracy pressure can no longer support the core against

the rapid contraction leading to collapse. Electron captures increase the average

mass per free electron, decreasing the electron fraction, Ye, and it follows that

the Chandrasekhar mass also decreases. This means that the core can collapse

at a lower mass. A typical iron core in a massive star will have Ye ≈ 0.45 and

so will have a Chandrasekhar mass of MCh ≈ 1.18M⊙, above which it becomes

gravitationally unstable (Woosley et al., 2002).

Additionally, photodisintegration of heavy nuclei causes the adiabatic index to

fall below 4/3 and so the core becomes dynamically unstable. These reactions

require significant amounts of energy, causing the pressure to decrease rapidly on

the free-fall timescale, further accelerating the collapse (Fowler and Hoyle, 1964).

Electron captures on both bound and free protons also accelerate the collapse,

releasing energetic neutrinos, as per Eq. 1.9, which diffuse outward.

p+ e− → n+ νe (1.9)

The temperature and pressure continue to increase until nuclear densities are

reached, and the collapse is halted by increased pressure from degenerate neutrons

and nuclear forces, causing a ‘bounce’. This gives rise to a shock wave which

travels outward while the rest of the core is still collapsing. When the collapse
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Figure 1.7: Evolution of a massive star from the onset of iron-core collapse to
formation of a neutron star. Taken from Janka (2017) (Fig. 2).
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is almost complete, neutrinos become trapped in the core as the velocity of the

infalling gas is greater than the velocity of the escaping neutrinos, and a ‘neu-

trinosphere’ forms (Sato, 1975). It is only in the outer layers of the core that

the density is low enough that the neutrinos can escape freely. A region of net

neutrino heating emerges in front of the neutrinosphere and behind the shock

wave, known as the gain region (Bethe and Wilson, 1985). It is this heating that

provides the energy that drives the shock into a supernova explosion. These ener-

getic neutrinos carry away most of the energy released in the collapse and can be

detected, such as in the case of SN 1987A (Bionta et al., 1987; Hirata et al., 1987).

In order for an explosion to be possible, there must be a neutrino luminosity

above a critical value which can be reduced by convection that prevents spherical

symmetry in stars of higher mass (Janka and Müller, 1995). At higher masses,

the shock is stalled by the infalling matter and must be revived before an explo-

sion is possible. When there is a failed explosion, some mass can still be ejected

from the collapsing core but the shock cannot be revived and so there is no su-

pernova explosion. At this point, massive stars can either collapse directly into

a black hole, form a black hole by fallback (both examples of failed supernovae)

or explode as a supernova and leave behind a compact remnant (neutron star or

black hole). Stars with more compact presupernova cores have higher values of

the compactness parameter, ξ2.5, and are more likely to be unable to revive the

shock (see O’Connor and Ott (2011) and Chapter 3 for more detail). This means

that such stars generally fail to explode and form black holes instead of neutron

stars.

Since the advanced stages of evolution have very short lifetimes, they cannot be

directly observed. However, they can be inferred from observations of supernova
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Figure 1.8: Schematic classification of supernovae. Taken from Coelho et al.
(2014) (Fig. 1).

29



CHAPTER 1. INTRODUCTION TO MASSIVE STARS

explosions (such as SN 1987A and SN 2007bi mentioned above) and compact

remnants. Supernova observations usually comprise of both the spectrum and

light curve which can be used to calculate properties such as ejected mass and

explosion energy. The classification of supernova type is determined by both the

spectrum and light curve of the explosion, given in Fig. 1.8.

1.3 This work

In this thesis, the relationship between the life and death of massive single stars

is considered. The main aim is to determine the final fate of massive stars from

the properties of stellar models at the end of core helium burning. The effects

of initial mass, metallicity and rotation on the fate of massive stars are explored,

and the role that different processes have on the final stages of evolution is con-

sidered. Finally, statistical analysis of the above results is presented to provide

an overview of the fate of massive stars on a macroscopic level. Existing rotating

and non-rotating models at metallicities from extremely metal poor (EMP), that

of the Small Magellanic Cloud (SMC) and Large Magellanic Cloud (LMC) to

solar and supersolar, ranging from 9− 500 M⊙ are analysed and their collective

properties used to determine their final fate. The models were computed using

the Geneva Stellar Evolution Code (GENEC) using consistent input physics to al-

low for both comparison and interpolation.

The ‘fate’ of a massive star is considered to be a comprehensive description of

the star during and after death. This includes the type of supernova explosion

(if any), the type of compact remnant (if any), and the lasting impact it has on

the universe. It is important to note that up to 80% of massive stars form binary

systems (Chini et al., 2012), but this work only concerns single stars and neglects

any effects resulting from binary interactions. The structure of this thesis is as
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follows. In Chapter 2, modelling stellar structure and evolution is considered,

with a focus on the use of GENEC. Analysis of the models used in this work will

be provided and discussed. In Chapter 3, the main results are presented. A con-

sideration of remnant and supernova types will be given, and black hole masses

determined. Finally, Chapter 4 provides concluding remarks and suggestions for

further work.
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Chapter 2

Modelling stellar evolution

Complete and homogeneous grids of stellar models enable the analysis of a wide

range of observations, and allow for the exploration of how stellar evolution de-

pends on parameters such as initial mass, metallicity and rotation. They are also

useful for considering the evolution of progenitors of neutron stars, supernovae

and black holes, and also the evolution of galaxies. In this work, rotating and

non-rotating stellar models at Z = 10−5, 0.002, 0.006, 0.014, 0.02 ranging from

9− 500 M⊙ are presented from the ongoing series of GENEC grids (Ekström et al.,

2012; Georgy et al., 2013; Eggenberger et al., 2021; Yusof et al., 2022; Sibony

et al., 2024), plus additional models for very massive stars (Yusof et al., 2013;

Martinet et al., 2023), alongside models that have been calculated for this work

that have not been previously published. A summary of the models and their

origin is given in Table A.1, Appendix A. These models have been computed with

the same input physics and physical ingredients to allow for direct comparison

of their properties across masses and metallicities, facilitating determination of

the fate of massive stars across cosmic time, with the exception of those from

Martinet et al. (2023) which have slightly different input physics for modelling

very massive stars.
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This chapter is structured as follows. An introduction to modelling stellar evolu-

tion and the equations of stellar structure is given in Section 2.1, a summary of

the GENEC model and input physics is provided in Section 2.2, properties of the

stellar models are given and discussed in Section 2.3 and, from this, conclusions

are drawn.

2.1 Stellar structure equations

Stellar structure can be described by four equations, alongside equations of chem-

ical element abundance which are treated separately. Spherical symmetry is not

assumed in rotating models, and so in order to treat the problem in 1D, the

angular velocity is assumed to be constant on isobars (Zahn, 1992). This case is

known as ‘shellular rotation’, and is used within the GENEC model. A summary

of these equations as implemented within the code is given below, but for more

detail see Meynet and Maeder (1997).

Conservation of mass equation:

∂rP
∂MP

=
1

4πr2P ρ̄
(2.1)

where MP is the mass of a shell enclosed by radius rP and ρ is the density.

Conservation of momentum equation:

∂P

∂MP

= −GMP

4πr4P
fP (2.2)

where P is the pressure and G is the gravitational constant.

Conservation of energy equation:

∂LP

∂MP

= ϵnuc − ϵν + ϵgrav (2.3)
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where LP is the luminosity and ϵν , ϵnuc denote the energy generation rates

per unit mass for neutrinos and nuclear reactions,

ϵgrav = −cP
∂T̄

∂t
+

δ

ρ̄

∂P

∂t

denotes gravitational energy changes due to expansion or contraction, t is

time, cP is the specific heat at constant pressure and δ = −∂ln ρ/∂lnT .

Energy transport equation:

∂ln T̄

∂MP

= −GMP

4πr4P
fP min [∇ad,∇rad

fT
fP

] (2.4)

where T is the temperature,

∇ad =
Pδ

T̄ ρ̄cP
(convective zones),

∇rad =
3

64πσG

κLPP

MP T̄ 4
(radiative zones),

where κ is the total opacity and σ is the Stefan-Boltzmann constant,

fP =
4πr4P

GMPSP

1

⟨g−1⟩
,

fT =

(
4πr2P
SP

)2
1

⟨g⟩⟨g−1⟩
,

⟨x⟩ is average on an isobaric surface, x̄ is average in the volume separating two

successive isobars and the index P refers to the isobar with a pressure equal to

P . SP is the surface of the isobar and g is the effective gravity.

Within GENEC, a finite difference method is employed to solve the structure equa-

tions. This is a time-implicit method, wherein solutions are computed at every

point in a mesh and interpolated between to obtain a general solution. For a
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description of how the structure equations are implemented in another code see

Chieffi et al. (1998). The conservation of mass equation, given by Eq. (2.1), re-

lates the radial mass distribution to the local density, where the mass coordinate

MP (rP ) is a Lagrangian coordinate that increases monotonically outward. It is

generally used instead of r, the radius of a spherical shell, as the interval on which

the radius is defined changes by significant amounts during the evolution. The

momentum equation, Eq. (2.2), demonstrates the conservation of momentum

by considering the equation of motion of a gas element within the star and is

a simplified form of the Navier-Stokes equations. While a star is in hydrostatic

equilibrium, as assumed in this equation, the pressure decreases outwards and

the gravitational force balances the pressure forces. The conservation of energy

equation, Eq. (2.3) considers local energy conservation to describe changes in

the internal energy of the star by heat and work. Heat is added by the release

of nuclear energy and removed by the release of energetic neutrinos. The ϵν

term accounts for energy released by weak interaction processes; neutrinos re-

leased during nuclear reactions are accounted for in the nuclear energy term, ϵnuc.

When ϵgrav > 0, energy is released (contraction), otherwise energy is absorbed by

the mass shell (expansion). The energy transport equation, Eq. (2.4), describes

how energy is transported outward to the surface, dependent on the temperature

gradient. For outward radiative energy transport to occur, a temperature gra-

dient of ∇rad is required. At higher values of L, this increases. If it increases

past ∇ad, then an instability within the gas sets in, resulting in a net buoyancy

force upwards that leads to convection. Hence, the stability against convection is

determined by the Schwarzschild criterion in this model.

In order to solve the above equations, an equation of state is required. This in-

cludes energy, pressure, temperature, density and composition terms. Discussion

of the extent of the nuclear reaction network and solution of chemical abundance
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equations is not within the scope of this work. For a summary of the species,

reactions and rates used within GENEC, see Ekström et al. (2012), and refer to

Chapter 1 for a general consideration of the nucleosynthetic processes within

massive stars.

2.1.1 The hydrodynamic momentum equation

Hydrostatic equilibrium is assumed for the equations given in Section 2.1. If this

assumption is removed, Eq. (2.2) includes an additional acceleration term (Heger

et al., 2000) as per Eq. (2.5).

∂P

∂MP

= −GMP

4πr4P
fP − 1

4πr2P

∂2rP
∂2t

(2.5)

Eq. (2.4) also includes an additional term if this assumption is removed, but the

others remain unchanged. Within GENEC, the acceleration terms are not included;

hydrostatic equations are used to model stellar evolution.
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2.2 Physical ingredients of the models

The initial abundances of each grid of models are given in Table 2.1. The mixture

of heavy elements used in each grid is assumed to be the same as that used in

Ekström et al. (2012), with the absolute abundances scaled to the metallicity con-

sidered. The nuclear reaction rates are mainly taken from the NACRE database

(Angulo et al., 1999), though some have been updated as detailed in Ekström

et al. (2012).

Table 2.1: The initial abundances of H (X), He (Y) and metals (Z) as mass
fractions.

Z X Y

0.00001 0.7516 0.2484

0.002 0.747 0.251

0.006 0.738 0.256

0.014 0.72 0.266

0.02 0.7064 0.2735

2.2.1 Mass loss

The fate of a massive star depends strongly on the mass loss experienced through-

out its life (Meynet et al., 2015; Georgy, 2012). It is not modelled explicitly within

the code, rather a series of empirical and theoretical prescriptions are employed

at different domains to give the mass loss rate of the star. Particular mass loss

events are therefore not included within the model, but a series of average rates

are used across the evolution of the star. For a given point in the HR diagram,

the use of different mass loss prescriptions can give drastically different results
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and so it is important to note the choice of mass loss prescriptions within the code

and where each one acts. It is also important to highlight the uncertainties in

these prescriptions and how this may affect predictions of remnant and supernova

type. Fig. 2.1 summarises the domains where each mass loss prescription is used

(note only massive star models with Mini ≥ 9 M⊙ are considered in this work).

On the main sequence, the mass loss rate from Vink et al. (2001) is used in the

domains where it is valid and that from de Jager et al. (1988) is used elsewhere.

The formula from Reimers (1975) is used for RSG under 12 M⊙ and that from

de Jager et al. (1988) is used again for stars above 15 M⊙ with log Teff > 3.7.

When log Teff ≤ 3.7, a fit of the data from van Loon et al. (1999) and Sylvester

et al. (1998) is used (Crowther, 2000). Wolf-Rayet (WR) stars are characterised

by having log Teff > 4 and a surface hydrogen fraction XH < 0.3 and their mass

loss rates depend strongly on the Eddington factor, given by Eq. (2.6) (Ekström,

2021).

ΓEdd =
L

LEdd

=
κL

4πcGM
(2.6)

Within the code, these mass loss rates are given by Nugis and Lamers (2000)

or Gräfener and Hamann (2008) (see Fig. 2.1 for the domains). When the Vink

et al. (2001) rate is higher than that given by Gräfener and Hamann (2008),

it is used instead. Note that there are newer mass loss prescriptions available,

but those described above are used consistently throughout the grids of models to

ensure that their properties can be directly compared (see the Vink (2022) review

for more detail on newer prescriptions). For example, the new prescription from

Yang et al. (2023) for highly luminous RSG has been developed using results

from a spectroscopic survey of the SMC. Furthermore, the rates of mass loss

experienced by stars at low metallicity that are close to the Eddington limit are

very uncertain, but have a significant impact on the advanced stages of evolution
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Figure 2.1: Domains where various prescriptions of mass loss rates are applied in
the HR diagram. Taken from Eggenberger et al. (2021) (Fig. 1).
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and determination of the fate of the star (Sander and Vink, 2020). Despite this,

such uncertainties are thought to affect stars at higher luminosity and temper-

ature less and so may not be significant when considering (very) massive stars

(Björklund et al., 2023). It is important to note that even though new prescrip-

tions are available, other recent grids of models also still use the same rates as

described above (Fragos et al., 2023; Song and Liu, 2023). Radiative mass loss

has a metallicity dependence given by Eq. (2.7).

Ṁ(Z) = Ṁ(Z⊙)(Z/Z⊙)
α (2.7)

where α = 0.85 is used for the O-type phase and WN phase, α = 0.66 for the

WC and WO phases, and α = 0.5 is used for the de Jager et al. (1988) prescrip-

tion. When considering WR stars, the initial metallicity is used in this equation

rather than the surface metallicity (Eldridge and Vink, 2006). It is important to

note that the value of the exponent, α, is subject to uncertainties, as discussed

in Mokiem et al. (2007). This dependence does not appear to apply to RSG, as

their mass loss has been found to have a very weak dependence on metallicity,

and so no metallicity scaling is applied when log Teff ≤ 3.7 (van Loon et al., 2005).

Rotating models at lower metallicity retain more mass and angular momentum

and so are more likely to have a surface velocity reaching the critical velocity,

where the gravitational acceleration is balanced by the centrifugal force and me-

chanical mass loss occurs. This does not occur to a significant degree in the

models considered in this work with Z > 10−5, and at this metallicity the crit-

ical velocity is only reached in models with Mini ≥ 40 M⊙. Even though mass

loss occurs at the surface, it can have consequences throughout the star. When

mass loss is high on the main sequence the structure of the star can be changed

significantly, and this can result in lower core masses. This leads to different
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nucleosynthetic conditions in the later stages of evolution, perhaps leading to

different yields and changing the fate of the star. When mass loss is high past

the main sequence, the envelope of the star can be removed, possibly leaving a

bare core as early as the end of helium burning. If this does happen, there is

no possibility of hydrogen shell burning and so the mass of the CO core cannot

increase, it can only decrease further. Hence, when the mass loss happens during

the evolution of the star can affect its fate. It is important to acknowledge that

the mass loss rates discussed in this section are a major source of uncertainty in

this work.
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2.2.2 Rotation

It is widely known that stars rotate, and extensive observational data showing this

is available (Evans et al., 2005; Dufton et al., 2006; Howarth et al., 1997; Conti

and Ebbets, 1977). Typically, stars have equatorial velocities of ∼ 200 km s−1

(Fukuda, 1982). The rotating models in this work start on the ZAMS with a

value of vini/vcrit = 0.4 (Ekström et al., 2012). This value is chosen as it aligns

with the peak of the velocity distribution of young B stars in Huang et al. (2010).

This rotation has many effects, such as increased mechanical mass loss due to

the non-spherical nature of rotating star, whereby the outer layers are not bound

as tightly due to the weaker gravity at the equator (see Section 2.2.1). For ro-

tating models, a correction factor is applied to the mass loss rate as per Maeder

and Meynet (2000a) (also see Ekström et al. (2012) for implementation within

the code). The centrifugal force helps to balance the star’s gravity, which also

has consequences for the hydrostatic equilibrium, playing an especially important

role in the advanced evolution of massive stars (Endal and Sofia, 1978). Hence,

rotating stars act like those with higher mass that do not rotate. In the HR

diagram, this is shown by rotating tracks generally being shifted towards lower

effective temperature and higher luminosity.

The shellular-rotation hypothesis is employed within the code, whereby the tur-

bulence along an isobar is strong as the restoring force of the density gradient

(buoyancy) acts in the vertical direction, and so there is no restoring force in the

horizontal direction (see Zahn (1992) for more detail). Rotation also drives in-

ternal mixing and allows for the transport of angular momentum throughout the

evolution of a star, due to instabilities such as meridional circulation and shear

instabilities. This mixing also increases the size of the convective core at any

given point in the evolution, and so has a significant impact on the predictions

of fate made in this work.
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As per the von Zeipel theorem (von Zeipel, 1924), a rotating star experiences

different amounts of heating in the polar and equatorial directions, driving a

large-scale circulation (Eddington, 1925; Sweet, 1950). The timescale for mixing

from this circulation is shorter than the main-sequence lifetime, and so rotat-

ing stars experience mixing in radiative zones (Schwarzschild, 1958). The effects

of this meridional circulation and the horizontal turbulence can be combined to

give an effective diffusion coefficient, given by Eq. (2.8) from Chaboyer and Zahn

(1992).

Deff =
1

30

|rU(r)|2

Dh

, (2.8)

where U(r) is the vertical component of the meridional circulation velocity and

Dh is the horizontal diffusion coefficient. Shear turbulence at the boundary of

layers with different rotational velocities is also an effective mixing process. If

excess kinetic energy from the differential rotation is less than the buoyancy force

the layer remains stable (Chandrasekhar, 1961); that is, when the Richardson

number is greater than a critical value, given by Eq. (2.9) from Maeder and

Meynet (2000b).

Ri =
N2

(dV (r)
dr

)2
> Ricr =

1

4
, (2.9)

where N2 is the Brunt-Väisälä frequency (buoyancy frequency) and V (r) is the

horizontal component of the meridional circulation velocity. Thermal dissipation

reduces the buoyancy force, and so the shear instability occurs with greater ease

(Endal and Sofia, 1978). The shear turbulence coefficient, Dshear used within the

code can be found in Maeder (1997). The transport of angular momentum within

44



CHAPTER 2. MODELLING STELLAR EVOLUTION

the star obeys Eq. (2.10) from Zahn (1992).

ρ
d

dt
(r2Ω)Mr =

1

5r2
∂

∂r
(ρr4ΩU(r)) +

1

r2
∂

∂r

(
ρDr4

∂Ω

∂r

)
, (2.10)

where Ω(r) is the mean angular velocity at r, D is the total diffusion coefficient

in the vertical direction, and the first term gives the divergence of the advected

flux and the second term gives the divergence of the diffused flux. If U(r) and

D are both zero, the local conservation of angular momentum is recovered, that

is r2Ω = c where c is a constant for a fluid element. The transport of chemical

elements can be treated similarly to this (Heger et al., 2000; Maeder and Meynet,

2000b; Endal and Sofia, 1978), but the transport can be treated as a diffusive

process with coefficient Deff (see Eq. (2.8)) with the change in mass fractions

given by Eq. (2.11) from Ekström et al. (2012).

dXi

dt
=

1

r2
∂

∂r

(
ρr2[D +Deff ]

∂Xi

∂r

)
+

(
dXi

dt

)
nuc

, (2.11)

where Xi is the abundance of element i, D is the total diffusion coefficient in

the vertical direction as per Eq. (2.10), and the final term gives the change in

chemical abundance due to nuclear reactions.

The conservation of angular momentum throughout the evolution of the star

is important as the final angular momentum of the star directly impacts its fate

(Yoon et al., 2006). In the code, total angular momentum varies due to mass loss

(stellar winds carry away momentum) as well as a numerical variation on which

a correction, qcorr, is applied (Ekström et al., 2012). This variation is due to

the structure of the code itself, whereby the envelope is floating over the interior

layers (Kippenhahn et al., 1967).

The envelope is assumed to rotate at the same angular velocity as the shell of the
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interior at the boundary to the envelope, and so its angular momentum depends

on the interior. This means that for the total angular momentum to remain con-

stant, a correction must be applied. The expected final angular momentum at

the end of the nth time step is given by Eq. (2.12).

Lexp
fin = Lini −∆Lwinds (2.12)

where Lini is the initial total angular momentum at time step n− 1 and ∆Lwinds

is the total amount of angular momentum carried away by stellar winds.

This is usually different to the final angular momentum obtained, Lob
fin, and so a

correction given by Eq. (2.13) is necessary.

∆Lcorr = Lob
fin − Lexp

fin (2.13)

This correction is applied through the correction factor, qcorr, given by Eq. (2.14),

from Ekström et al. (2012).

qcorr =
∆Lcorr

Le +
∑Ncorr

i=1 Li

, (2.14)

where Le and Li are the angular momenta of the envelope and ith interior shell,

and the choice of Ncorr is fixed.
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2.2.3 Convection

Convective zones are determined using the Schwarzschild criterion, and the con-

vective core is extended with an overshoot parameter dover/HP = 0.1. Stars are

inherently 3D objects, and so some phenomena cannot be replicated within 1D

models. In the code, convection is parameterised and calibrated according to

observational data within the models, not directly simulated. The mixing-length

theory (Böhm-Vitense, 1958) is used, and one issue with this is that it does not

determine where the convective boundary lies (Arnett et al., 2019). Thus, pre-

scriptions based on simple linear-analysis are used. This introduces even more

uncertainty, especially in post-MS evolution. This then affects predictions of pre-

supernova structures, which is problematic as core collapse outcome is heavily

dependent on the convective history (Ertl et al., 2016), especially that of O and

Si burning shells (see Section 1.2.3 for a discussion of the advanced stages of

evolution). Convection plays a pivotal role in both the evolution of massive stars

and their fate, and so is one important source of uncertainty in this work.
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2.3 Properties of the stellar models

The evolutionary tracks in the HR diagram of all models used in this work are

given in Fig. 2.2, showing that the width of the main sequence band generally

increases with the initial mass of the model at all metallicities. Rotating models

are generally cooler (more red) and more luminous than non-rotating models with

the same initial mass and metallicity. Rotation increases mixing (see Section

2.2.2), and so more metals are brought to the surface. The presence of more

metals at the surface increases the opacity, leading to a cooler envelope due to

increased photon absorption. As the metallicity increases, models at the same

initial mass tend to become cooler (more red), again due to metals at the surface

increasing the opacity. A higher metallicity also means that fewer photons leave

the surface of the star, and so they have a lower luminosity. Hence, the most

luminous models are those with high initial mass and low metallicity that rotate.

Note that ‘blue’ models are defined as those with log Teff > 3.9, ‘red’ models

are defined as those with log Teff < 3.7, and those in between are referred to as

‘yellow’. The hook found between the end of hydrogen burning and the start

of helium burning is less noticeable for models with lower metallicity. This is

because the temperature of the core at the end of hydrogen burning is higher

in stars with lower metallicity, and so less contraction is required to heat up the

core and maintain energy generation, resulting in a smaller hook feature for lower

metallicities. Models at very high mass with Z > 0.002 evolve almost vertically in

the HR diagram, as shown in Fig. 2.2, evolving across a wide range of luminosities

but with almost constant effective temperature. In these models, the convective

core typically accounts for a large proportion of the mass of the star and the

evolution is very similar for stars with M > 150 M⊙ and Z > 0.002, particularly

with respect to effective temperature.
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The increased mixing in rotating models brings more hydrogen into the core,

resulting in longer main sequence lifetimes at all initial masses and metallicities.

This is not the case for the helium burning lifetime, as this tends to increase due

to the convective core having a higher mass. See Ekström et al. (2012); Georgy

et al. (2013); Yusof et al. (2013, 2022); Martinet et al. (2023); Sibony et al. (2024)

for tables of main sequence and helium burning lifetimes at different metallicities.

Models across the metallicities end helium burning as either blue, yellow or red

supergiants (depending on their effective temperature), or as Wolf-Rayet stars

(depending on their effective temperature and surface abundances). During the

main sequence, the convective core mass gradually increases; in rotating stars

this happens at a faster rate due to increased mixing. As initial mass increases,

evolution on the Tc − ρc diagram becomes more linear, see Ekström et al. (2012);

Georgy et al. (2013); Yusof et al. (2013, 2022); Martinet et al. (2023); Sibony et al.

(2024) for an in-depth discussion of evolution on the Tc − ρc diagram. Mixing

due to rotation means that rotating models have a higher core temperature and

lower core density than their non-rotating counterparts.

2.3.1 Final total, envelope and core masses

The final total, envelope and core mass all have an impact on the fate of a mas-

sive star. The final mass is an indicator of the amount of mass lost throughout a

star’s life, and when coupled with the core and envelope masses it can be used to

compare the impact of mass loss early and late in the evolution. The mass and

composition of the envelope is crucial in determining the type of supernova explo-

sion that may occur after collapse (see Section 1.2.4). Many factors affect the core,

envelope and final mass: they do not increase monotonically with initial mass,

as shown in Fig. 2.3 and 2.4. Note that the rotating model with Mini = 500 M⊙,

Z = 0.02 did not reach the end of hydrogen burning due to numerical issues.

Data at this point is essential for the interpolation function used in Section 3.1,
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and it was assumed that the properties of this model would be the same as those

of the rotating model at the same metallicity with Mini = 300 M⊙. As shown by

Fig. 2.4, this is a reasonable assumption to make, as their properties of the rotat-

ing 300M⊙ and 500M⊙ models at Z = 0.014 also converge to a very similar value.

In this work, the final mass is defined as the total mass at the end of core helium

burning, and is strongly dependent on the mass loss history of the model, and so

is dependent on the metallicity of the model. Taking the final mass at the end

of helium burning may seem premature, as the star will continue to evolve and

burn carbon, neon, oxygen and silicon before reaching a true final mass. How-

ever, these advanced phases of evolution have much shorter lifetimes and so any

mass loss experienced after this point is very small and thus assumed to be neg-

ligible. As a result, the true final mass of these models may be smaller than the

final mass taken at the end of helium burning, as quoted in this work. Rotation

generally decreases the final mass when initial mass and metallicity are held con-

stant, due to the increased mass loss rates experienced by rotating models (see

Section 2.2.1). Similarly, due to the metallicity dependence of mass loss on the

main-sequence, an increase in metallicity results in a decrease in final mass. This

is shown in Fig. 2.3 and 2.4, where both the rotating and non-rotating models

with Z = 10−5 have the highest final mass for all initial masses, and non-rotating

models with Z = 0.02 have the lowest final mass for all initial masses. Rotat-

ing models generally have lower final masses due to the increased mass loss in

rotating models. The significance of this effect increases with initial mass and

metallicity until a peak at Z = 0.006, but at solar and supersolar metallicities,

both non-rotating and rotating models experience significant post-MS mass loss

and so there is less of a difference in final mass. In particular, rotating models

with Z = 0.02 have the lowest final mass for initial masses below 85 M⊙ (and at
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Figure 2.3: Mfin, Mα, MCO, M env
H and M env

He as a function of initial mass for
non-rotating models, determined at the end of core helium burning.

52



CHAPTER 2. MODELLING STELLAR EVOLUTION

Figure 2.4: Same as Fig. 2.3 but for rotating models.
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Table 2.2: Mini, vini/vcrit, and MCO of selected models with Z = 10−5. Taken
from Table B.1, Appendix B.

Mini vini/vcrit MCO

30 0 7.57

30 0.4 4.81

40 0 11.67

40 0.4 3.14

60 0 20.94

60 0.4 13.42

500 M⊙). Above 85 M⊙, models with Z = 0.014 have the lowest final mass be-

cause they experience high rates of post-MS mass loss which is not dependent on

the metallicity (Crowther, 2000).

The CO core mass is the main indicator of fate used in this work and so is

of the highest significance. It is defined as the mass coordinate where the helium

mass fraction falls below 1% and corresponds to the maximum convective core

mass reached by the end of core helium burning. This mass coordinate marks

the edge of the core, where there is a steep density gradient which eventually

helps the supernova shock-wave to eject material above the edge of the core. It

is important to note that there are other ways to define the CO core mass, such

as the mass coordinate where the combined carbon and oxygen mass fraction is

greater than 20%. This definition finds a CO core mass that lies in-between the

alpha core mass and the CO core mass as defined in this work, and it can include

the helium burning shell outside of the core. It is for this reason that this defi-

nition is not used in this case, as it may suggest that a star is helium free when

it is not. Firstly, CO core masses of the non-rotating models (Fig. 2.3) will be

considered. The CO core mass increases monotonically for non-rotating models

with Mini < 30 M⊙, across all of the metallicities considered. Above this initial
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(a) 30 M⊙

(b) 40 M⊙

Figure 2.5: Kippenhahn diagrams for rotating models with Z = 10−5.
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mass, models use a variety of mass loss prescriptions across different stages of

their evolution and mass loss is much stronger, so the CO core mass still in-

creases with initial mass, but the relationship is no longer monotonic.

Additionally, there is a peak in CO core mass at solar and supersolar metal-

licity around 200 M⊙, as shown in Fig. 2.3. This peak is due to the very high

levels of post-MS mass loss experienced past this initial mass. With the exception

of models at Z = 10−5, the rotating models show a qualitatively similar relation-

ship between CO core mass and initial mass as their non-rotating counterparts.

At this metallicity, an unusual growth in the hydrogen burning shell causes a

reduction in the CO core mass, as seen in Fig. 2.5. This effect can be seen in

rotating models with Z = 10−5 with initial mass Mini = 20 − 60 M⊙ to varying

extents (most noticeable in the 30 M⊙ and 40 M⊙ models shown in Fig. 2.5).

They have significantly lower CO core masses than their non-rotating counter-

parts, as shown in Table 2.2. For Z > 10−5, rotating models generally have a

higher CO core mass, and the dependence of CO core mass on metallicity is less

clear than that of final mass.

The H and He envelope masses are calculated by integrating the hydrogen or

helium mass fraction throughout the star. Rotating models have a smaller hy-

drogen envelope mass for a given initial mass and they have a much smaller

helium envelope mass across all metallicities. These relationships are much less

monotonic than those for the final and CO core mass, suggesting that they are af-

fected by a complex combination of many factors, including rotation, metallicity,

mass loss and the extent of mixing. Rotating stars at both solar and superso-

lar metallicity with Mini ≥ 25 M⊙ are considered as ‘H-poor’, defined as stars

with M env
H < 0.5 M⊙ (see Section 3.3 for a discussion on this definition). For

non-rotating stars at supersolar metallicity this is also the case, but those at
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Figure 2.6: Comparison between Eddington factor, rate of mass loss and effective
temperature of non-rotating and rotating models at 30 M⊙ with Z = 10−5. The
red dashed line indicates the temperature below which the star is considered an
RSG. Models taken from Sibony et al. (2024).
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solar metallicity are considered H-poor when Mini ≥ 32 M⊙. This difference is

due to the increased post-MS mass loss rates experienced by rotating stars. At

LMC metallicity, rotating stars with Mini ≥ 40 M⊙ and non-rotating stars with

Mini ≥ 60 M⊙ are considered H-poor. Similarly, at SMC metallicity, rotating

stars with Mini ≥ 150 M⊙ and non-rotating stars with Mini ≥ 200 M⊙ are con-

sidered H-poor, while both rotating and non-rotating stars at all initial masses

with Z = 10−5 retain their hydrogen envelope and so are considered ‘H-rich’.

The rotating model at Z = 10−5 with Mini = 30 M⊙ evolves towards lower effec-

tive temperature during core helium burning than its non-rotating counterpart

(see Fig. 2.6), and so experiences much higher mass loss due to the RSG pre-

scription (Crowther, 2000). Fig. 2.6 also highlights that the Eddington factor

is similar for both models, and so the large increase in mass loss is not due to

exceeding the Eddington limit. This results in a smaller hydrogen envelope mass

(∼ 7 M⊙ less than the non-rotating model) and so it also has a smaller final mass.

Very few models become ‘He-poor’, defined as stars with M env
He < 0.5 M⊙ (see

Section 3.3 for a discussion on this definition). This has significant consequences

when considering the supernova type of the models that are predicted to explode

successfully, including PPISN and PISN.
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Chapter 3

Determining the fate of massive

stars

In Chapter 2, individual models were considered alongside the equations and

numerical methods on which they are based, and the properties that they have.

This analysis of the models forms the basis for the main results of this work,

where the macroscopic properties of the combined grids of models are examined,

and how their properties change in relation to rotation and metallicity. The

properties of the models given in Chapter 2 can be analysed on a macroscopic

level since they have consistent input physics. These properties and the following

determination of fates allow for comparisons to be made between models and

observations when combined with a suitable IMF. The results from this analysis

are presented and discussed in this chapter, alongside a consideration of IMF

choice.

3.1 Remnant type

The advanced phases of the evolution of massive stars are largely determined by

the CO core mass and the abundance of 12C at the end of core helium burning

(Chieffi and Limongi, 2020; Patton and Sukhbold, 2020). In particular, the CO
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core mass is significant in determining the further evolution of the star, but the

abundance of 12C left after core helium burning is also informative as it determines

the extent of both core and shell carbon burning phases. This mass fraction is

not independent of the CO core mass (Chieffi and Limongi, 2020), and so will

not be considered separately in this work. In order to relate the CO core mass

to different remnant types, the compactness of the pre-supernova stellar core is

often used; given by Eq. (3.1) evaluated at M = 2.5 M⊙ (O’Connor and Ott,

2011).

ξM =
M/M⊙

R(M)/1000km
(3.1)

The compactness is a non-monotonic function of the CO core mass, as shown in

Fig. 3.1, and is important when considering the final fate of massive stars. From

this, the CO core mass at the end of core helium burning can be used to predict

the type of compact remnant left behind when a massive star dies - either a neu-

tron star, black hole or no remnant in the case of PISN. In this work, remnant

types are determined using the CO core mass alone as per Table 3.1.

Massive stars with MCO < 6 M⊙ are thought to explode successfully and form

neutron stars (Patton and Sukhbold, 2020). O’Connor and Ott (2011) found

that when ξ2.5 > 0.45, successful explosions are much less likely and there is

a transition between neutron star and black hole formation. Similarly, Ugliano

et al. (2012) found that there is a transition region between neutron star and

black hole formation when 0.15 < ξ2.5 < 0.35. There is a peak in compactness

between 6 < MCO < 12 M⊙ where the compactness increases and falls within this

transition region, as per both Fig. 3.1 and Sukhbold and Woosley (2014). When

6 < MCO < 8 M⊙ , the compactness increases through the transition region given

by Ugliano et al. (2012) and above the explodability limit suggested by O’Connor
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Figure 3.1: Compactness, ξ2.5, at core collapse as a function of the CO core mass
at the end of core helium burning, with blue squares indicating data from single
star models. Taken from Schneider et al. (2021) (Fig. 5a).

and Ott (2011) and so such models are considered as unlikely to explode and these

are expected to form black holes, with the possibility of a successful explosion to

form a neutron star. Black holes formed within this transition mass range result

from ‘failed’ explosions and so form by fallback. When 8 < MCO < 12 M⊙ , the

compactness falls below the explodability limit into the transition region and so

such models are likely to explode successfully and are expected to form neutron

stars, with the possibility of a failed explosion leading to black hole formation.

This ‘island’ of explodability is shown clearly in Fig. 13 of Sukhbold et al. (2016)

and is also eluded to in O’Connor and Ott (2011). When 12 < MCO < 40 M⊙,

there is direct collapse to a black hole with MBH = Mfin, such that there is no

explosion (Patton and Sukhbold, 2020). Above MCO = 40 M⊙, stars are expected

to undergo PPSIN followed by a core-collapse supernova, resulting in the forma-

tion of a black hole, and when 60 < MCO < 130 M⊙ stars are expected to be

fully disrupted in a PISN that leaves behind no remnant (Farmer et al., 2019).
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Table 3.1: Dependency of remnant type on the CO core mass. PPISN refers to
pulsation pair-instability supernovae and PISN refers to pair-instability super-
novae.

Remnant type

MCO < 6 M⊙ Neutron star

6 < MCO < 8 M⊙ Black hole (neutron star)

8 < MCO < 12 M⊙ Neutron star (black hole)

12 < MCO < 40 M⊙ Black hole

40 < MCO < 60 M⊙ PPISN with black hole

60 < MCO < 130 M⊙ PISN with no remnant

MCO > 130 M⊙ Black hole

Above this, the photodisintegration instability allows for direct black hole forma-

tion again (Heger et al., 2003). The CO core mass was calculated from each

model in the ongoing series of grids as per the definition given in Section 2.3.1.

Linear interpolation between these values across an evenly spaced grid of initial

masses (with steps of 1 M⊙) allows for analysis of the CO core mass across the

whole mass range considered. This also fills gaps in the current grids of models

by those which encountered numerical issues and did not reach the end of helium

burning (see Table A.1). This interpolation was also performed on the final mass

and H and He envelope masses of the models. In order to show how the CO

core mass responds to changes in initial mass and metallicity, a contour map was

plotted on the Mini−Z plane, using CO core mass as the response variable. One

difficulty with using contour maps is that any irregular data points may result

in oversimplified relationships and missing features in the map, leading to less

accurate representations of the underlying behaviour of the variables. Similarly,

the use of linear interpolation may also result in missing features in the map.

This is why it is also useful to refer back to the model data around interesting

features in the contour map, given in Appendix B.
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The contour boundaries used are given in Table 3.1, and it is important to note

that the above assumptions mean that the behaviour of the variables may be

less accurately represented at such boundaries, and that further analysis of these

regions may be required to build an accurate picture of how the response variable

is related to the independent variables.

3.1.1 Expected results

It is expected that stars with higher initial mass will generally have a higher CO

core mass. This is, however, impacted greatly by both metallicity and rotation.

It is expected that increasing the metallicity will lead to an increased rate of mass

loss as per the relation given by Eq. (2.7). If this mass loss occurs early in the

evolution, it will result in smaller helium core masses and so leading to a smaller

CO core mass. The impact of rotation is more complex as it has competing effects

on the evolution. Increased mixing leads to the formation of larger helium cores,

and so larger CO core masses are expected. On the other hand, rotation also leads

to higher luminosities and so higher rates of early mass loss (as well as mechanical

mass loss). This would lead to smaller helium cores and so a decrease in CO core

mass. And so, there are two competing effects that both result from including

rotation in the models. The increase in CO core mass due to internal mixing

tends to be the dominant effect at lower initial mass and metallicity, whereas the

decrease due to increased mass loss tends to dominate at higher initial mass and

metallicity. Hence, the results are expected to show an interesting combination

of these effects.

3.1.2 Impact of metallicity

Firstly, the effect of changing initial mass and metallicity will be considered for

non-rotating models. Fig. 3.2a shows the dependence of fate on initial mass and
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(a) Non-rotating

(b) Rotating

Figure 3.2: Remnant type as a function of initial mass and metallicity. The
boundaries for each remnant type are given in Table 3.1, and the white contour
lines indicate final mass.
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(a) Figure 1 from Heger et al. (2003).

(b) Adapted from Figure 3.2a in this work.

Figure 3.3: Comparison of remnant type as a function of initial mass and metal-
licity between results from Heger et al. (2003) and this work.
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metallicity for non-rotating models. When initial mass is low, i.e. Mini < 40 M⊙,

the dependence of remnant type on metallicity is very limited. This is due to

very low rates of mass loss, particularly early in the evolution. Hence, the CO

core mass for a particular initial mass is constant across the range of metallic-

ities considered in this work. Fig. 3.2a shows that stars with Mini < 25 M⊙

end their lives as neutron stars (NS), for the whole metallicity range considered.

At higher initial mass, when 25 < Mini < 30 M⊙, black holes via failed super-

novae are expected, with the possibility of a successful explosion leading to a

NS remnant, referred to as BH (NS) from this point (see Section 3.1). When

30 < Mini < 40 M⊙, NS are expected but there is still the possibility of a black

hole remnant, referred to as NS (BH) from this point. At higher initial mass,

when Mini > 40 M⊙, the remnant type shows a strong dependence on metallicity.

For example, the boundary between NS (BH) and direct black hole formation

increases from Mini = 41 M⊙ when Z = 10−5 to Mini = 75 M⊙ when Z = 0.014.

The case of low metallicity (Z < 0.001) and high metallicity (Z > 0.001) will be

considered separately for higher initial masses (Mini > 40 M⊙).

At low metallicity and high initial mass, the CO core mass remains high due to

low rates of mass loss early in the evolution. Then, for 40 < Mini < 100M⊙, direct

black holes are formed. As shown by the white contours on Fig. 3.2a, the maxi-

mum black hole mass below the pair-instability gap ranges fromMBH ≈ 30− 90M⊙

and so is highly dependent on metallicity; this is discussed further in Section

3.2. The upper boundary for black hole formation without encountering the pair-

instability increases with metallicity and so has an upward slope in Fig. 3.2a, such

that it is located at Mini = 100 M⊙ when Z = 10−5, and Mini = 140 M⊙ when

Z = 0.01. Likewise, the upper boundary for PPISN forming black holes be-

low the PISN gap is also dependent on metallicity, such that it is located at

Mini = 150 M⊙ when Z = 10−5, and Mini = 300 M⊙ when Z = 0.01. When
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Z < 0.002, PISN are predicted from this boundary until Mini = 325 M⊙ above

which direct black hole formation is predicted once again. When Z > 0.002,

PISN are predicted up to Mini = 500 M⊙, which is the highest mass considered in

this work. At high metallicity and high initial mass, the CO core mass decreases

as metallicity increases (assuming constant initial mass). This is because mass

loss early in the evolution becomes significant, as these models evolve at higher

luminosities than their lower mass counterparts; this effect is scaled with metal-

licity as per Eq. (2.7). The boundary between NS (BH) and direct black hole

formation lies between 50 < Mini < 80 M⊙ depending on the metallicity. Above

this, models result in direct collapse to black holes, and when Z > 0.014 this is

the case for all models in this region. Finally, PPISN are predicted at Z < 0.014

in the region of Mini = 200 M⊙, as shown on Fig. 3.2a.

Comparison to Heger et al. (2003)

Fig. 3.3a and 3.3b show a comparison between this work and that of Heger et al.

(2003). Both show qualitatively similar results but the key differences are con-

sidered in this section. There are significant differences in the models used in

Heger et al. (2003) and this work, such as different mass loss prescriptions and

the inclusion of models with Z = 0. The newer mass loss prescriptions used in

this work lead to lower rates of mass loss, which leading to larger CO core masses

for high mass stars at high metallicity in particular. It is also important to note

that the ‘black hole by fallback’ remnant type category from Heger et al. (2003)

encompasses both the BH (NS) and NS (BH) remnant type categories used in

this work, both referring to the possibility of a failed supernova explosion. One

key difference between the plots given in Fig. 3.3 is the absence of NS at high

metallicity for Mini > 25 M⊙ in Fig. 3.3b, which is due to the difference in mass

loss prescriptions. Similarly, this is also the reason for the absence of BH (NS)

and NS (BH) above Mini = 75 M⊙ in Fig. 3.3b. Additionally, Heger et al. (2003)
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Table 3.2: Dependency of remnant type on the helium core mass as per Heger
et al. (2003).

Remnant type

Mα < 8 M⊙ Neutron star

8 < Mα < 15 M⊙ Black hole by fallback

15 < Mα < 65 M⊙ Black hole

65 < Mα < 135 M⊙ No remnant

Mα > 135 M⊙ Black hole

use the helium core mass to determine remnant type, as per Table 3.2, instead

of the CO core mass. It is acknowledged by Heger et al. (2003) that the CO core

mass may be a better determinant of fate, hence the its use in this work. See

Section 3.1 for a discussion on use of the CO core mass to determine remnant

type.

The results from Heger et al. (2003) suggest that stars at low metallicity with

100 < Mini < 140 M⊙ lose their hydrogen envelope due to the use of helium star

models at Z = 0, whereas all models in this work at EMP metallicity (regard-

less of their initial mass) retain a significant amount of their hydrogen envelope.

The upper metallicity limit of Z ≈ 0.01 for PISN is significantly higher in this

work than in that of Heger et al. (2003), due to the factors discussed above, and

PPISN are not considered separately to direct black holes. It is also important to

note that only non-rotating models were considered in Heger et al. (2003), and so

comparisons cannot be drawn with results from the rotating models of this work.

3.1.3 Impact of rotation

The impact of rotation can be seen in Fig. 3.2, and differs depending on both

initial mass and metallicity, due to the competing effects that rotation has on the
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CO core mass. The results on the Mini−Z plane will be separated into four cases

depending on the initial mass and metallicity, where the dominant effect due to

rotation differs.

Case 1: low initial mass, very low metallicity

When Mini < 60 M⊙ and Z < 0.002, Fig. 3.2b differs significantly from the same

region in Fig. 3.2a. Firstly, unusual growth in the hydrogen burning shell, as

seen in Fig. 2.5 and discussed in Section 2.3.1, causes a decrease in CO core

mass at Z = 10−5, up until Z = 0.002. This effect is strongest around 40 M⊙,

but can be seen in many models at EMP metallicity. This causes the boundary

for NS, BH (NS) and NS (BH) to increase in initial mass when compared to the

non-rotating case, where this effect is not seen, introducing a negative slope to

the boundary (which is flat in Fig. 3.2a). Hence, more stars are predicted to form

NS, BH (NS) and NS (BH) than in the non-rotating case in this region. This is

not due to increased rates of mass loss (as one might expect), but is because of

an interesting effect of rotation on the hydrogen burning shell (see Section 2.3.1).

The final mass contours in Fig. 3.2a and 3.2b are very similar as increased mass

loss is not the dominant effect of rotating in this region, and so both rotating and

non-rotating models experience similar rates of mass loss.

Case 2: low initial mass, higher metallicity

When Mini < 60 M⊙ and Z > 0.002, the dominant effect of rotation is increased

mixing, leading to higher CO core masses when compared to results from Fig.

3.2a. This causes the boundary between NS (BH) and direct black hole formation

to generally decrease in initial mass when compared to the non-rotating case.

Similarly to the non-rotating case, the boundary increases to higher initial mass

as metallicity increases due to the fact that CO core mass generally decreases

with increasing metallicity in this region of Fig. 3.2b. In the rotating case, this
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increase is seen as a gentle upward slope in Fig. 3.2b, unlike the sharp increase

and plateau seen in Fig. 3.2a. Again, the final mass contours are very similar

between Fig. 3.2a and 3.2b in this region, since the rates of mass loss are not

greatly impacted by rotation at low initial mass.

Case 3: high initial mass, very low metallicity

When Mini > 60 M⊙ and Z < 0.002, the dominant effect of rotation is also in-

creased mixing, leading to higher CO core masses when compared to results from

Fig. 3.2a. When Z = 10−5, direct black holes are formed for 60 < Mini < 90 M⊙.

The lower boundary of this mass range is significantly higher than that in the

non-rotating case (Mini = 40M⊙) due to the interaction between the hydrogen

burning shell and helium burning core. The upper boundary is lower in the ro-

tating case due to an increase in CO core mass due to internal mixing.

The maximum black hole mass below the pair-instability gap ranges from MBH ≈

35−60 M⊙, which is discussed further in Section 3.2. The lower boundary of this

mass range is lower than in the non-rotating case due to the hydrogen burning

shell effect (see Section 2.3.1), and the upper boundary is significantly lower than

in the non-rotating case due to increased mixing.

Case 4: high initial mass, higher metallicity

When Mini > 60 M⊙ and Z > 0.002, the dominant effect of rotation is increased

mass loss. The metallicity boundaries for PPISN and PISN are lower for rotating

models and when Z > 0.01, only direct black holes and NS (BH) are predicted

in this region. When compared to the same region in Fig. 3.2a, the impact

of rotation can be seen by the decreased final masses (and so lower black hole

masses; see Section 3.2).
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Table 3.3: Number of stars per mass range, calculated using the Salpeter IMF
(Salpeter, 1955) such that there is one star with M = 500 M⊙, and the top-heavy
IMF (Schneider et al., 2018) calculated such that the total population is of the
same size.

9− 30 M⊙ 30− 100 M⊙ 100− 300 M⊙ > 300 M⊙ Total

Salpeter 74375 12929 2495 367 90166

Top-heavy 63202 19300 6286 1378 90166

3.1.4 Fraction of massive stars per remnant type

In order to place the above results in the context of a population of stars, they

must be weighted according to the IMF. The distribution of remnants depends

on the regions identified in Fig. 3.2 and also the choice of IMF. For this reason,

this distribution has been calculated for two different initial mass functions: the

Salpeter IMF (Salpeter, 1955) with results given in Table 3.4 and the top-heavy

IMF from Schneider et al. (2018) with results given in Table 3.5. The distributions

were calculated such that there is one star with Mini = 500 M⊙ in the Salpeter

IMF distribution, with a total population of 90166 massive stars, as per Table 3.3.

Then, the top-heavy mass distribution was calculated such that the population

size remained the same as that calculated using the Salpter IMF. In this case,

there are 4.3 stars with Mini = 500 M⊙, illustrating the top-heavy nature of

this IMF when compared to the Salpeter IMF. The number of stars in different

mass ranges is given in Table 3.3 for both IMF variations. As expected, this

shows that the mass distribution calculated using the Salpeter IMF has more

stars with mass between 9 − 30 M⊙. The opposite is true above this mass;

the mass distribution calculated using the top-heavy IMF has more stars in the

30 − 100 M⊙, 100 − 300 M⊙ and > 300 M⊙ categories than that calculated
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(a) Salpeter IMF.

(b) Top-heavy IMF.

Figure 3.4: Plot of data from Table 3.4 and 3.5, with the fraction of massive stars
per remnant type piled up on top of each other as per the colour coding used in
Fig. 3.2.

74



CHAPTER 3. DETERMINING THE FATE OF MASSIVE STARS

using the Salpeter IMF. This effect is most significant at the highest masses,

in particular those greater than 300 M⊙. When discussing the results of this

IMF weighting, the NS and NS (BH) categories will be considered together; this

combination is given as ‘Total NS’ in Tables 3.4 and 3.5. Likewise, the BH and BH

(NS) categories will be considered together; this combination is given as ‘Total

BH’ in Tables 3.4 and 3.5.

Impact of metallicity

The non-rotating case weighted by the Salpeter IMF will be considered first,

shown by the left panel of Fig. 3.4a. A significant proportion of massive stars are

predicted to end their lives as NS at all metallicities considered. Table 3.3 shows

that massive stars with initial mass between 9− 30 M⊙ are much more common

than those with higher mass; this is important as most stars in this mass range

are predicted to end their lives as NS, and so the fraction remains high across all

metallicities. The smallest fraction of massive stars to end their lives as NS is

0.829 at Z = 0.006, and the highest is 0.896 at solar metallicity- a difference in

fraction of 0.067. The fraction of massive stars predicted to end their lives as BH

increases from 0.136 at Z = 10−5 to 0.143 at Z = 0.006, then sharply decreases

due to mass loss when considering solar and supersolar metallicities to a fraction

of around 0.1.

The fraction of PPISN is highly dependent on metallicity, with a fraction of over

0.01 predicted when Z ≤ 0.006, decreasing to 0.004 at solar metallicity, and 0 at

supersolar metallicity. This decrease is due to increased mass loss at higher metal-

licity, leading to smaller CO core masses that do not exceed the 40 M⊙ threshold

for PPISN at all masses considered. The fraction of PISN is similar to that of

PPISN at Z = 10−5 and Z = 0.006, increasing to a peak of almost 0.02 at

Z = 0.002. When Z > 0.006, this fraction is 0 as no stars are predicted to have a
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CO core mass above the 60 M⊙ threshold for PISN due to high levels of mass loss.

Therefore, the main effect of metallicity on the fraction of massive stars per rem-

nant type is due to the metallicity dependency of mass loss, given by Eq. (2.7).

At low metallicity, there are more massive CO cores due to low levels of mass

loss, increasing the fraction of (P)PISN and BH. At higher metallicity, increased

levels of mass loss mean that the CO core mass does not exceed 40 M⊙ and so

there are very few (P)PISN (if any!). In addition, the high levels of mass loss

mean that smaller CO core masses are more common, hence the increase in the

fraction of NS at higher metallicities.

Impact of rotation

Now, the non-rotating and rotating cases (with Salpeter IMF weighting), will

be compared. The main differences are clearly shown by Fig. 3.4a. Firstly, the

majority of massive stars are still predicted to end their lives as NS, for the same

reasons as outlined above. One key difference between the two panels of 3.4a is

the significant increase in the fraction of NS at Z = 10−5. In the non-rotating

case, the fraction is 0.836, whereas in the rotating case it is 0.917. This increase

is due to interactions between the hydrogen burning shell and helium burning

core leading to a smaller CO core mass in rotating models (see Section 2.3.1 for

more details). Massive stars within this mass range are heavily weighted by the

IMF, hence this effect has a significant impact on the fraction of NS. The effect of

metallicity is different for the rotating case, due to the hydrogen burning shell ef-

fect and the increased impact of mass loss in rotating models. The fraction of BH

also shows a strong dependency on metallicity. Rotation decreases the fraction

of BH at Z = 10−5 significantly. This is because stars that would have massive

enough CO cores to form BH if they were non-rotating experience the hydrogen

shell effect, leading to smaller CO cores that lead to NS instead. For Z ≥ 0.002,
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the fraction of massive stars ending their lives as BH is higher for rotating stars

than their non-rotating counterparts. The most significant difference is at solar

metallicity, where a fraction of 0.1 for non-rotating stars end their lives as BH;

the fraction of rotating stars is almost double at 0.191. This is because of the

increase in failed supernova leading to BH at this metallicity, which has a signifi-

cant impact on the fraction due to the IMF weighting placing more emphasis on

stars with mass between 9− 30 M⊙. This effect is largely due to mass loss; stars

which would have the remnant type NS (BH) if they were non-rotating tend to

have the remnant type BH (NS) if they are rotating. This highlights the impor-

tant impact that the islands of explodability (due to changes in compactness) can

have on the fate of massive stars as a whole.

Rotation increases the fraction of PPISN when 10−5 < Z ≤ 0.006. Above this

metallicity, no PPISN are predicted as the CO core mass of stars with solar and

supersolar metallicity does not exceed 40 M⊙ due to increased mass loss expe-

rienced by rotating stars. Similarly, the fraction of PISN is higher for rotating

stars when Z ≤ 0.002, but is almost zero at Z = 0.006 as very few stars at this

metallicity have a CO core mass exceeding 60 M⊙.

Impact of using a top-heavy IMF

The fraction of massive stars per remnant type is qualitatively very similar when

comparing results weighted by either the Salpeter or top-heavy IMF, given by

Fig. 3.4. Using the top-heavy IMF results in a smaller fraction of NS, and

increased fractions of BH and (P)PISN. Additionally, using the top-heavy IMF

means that less weighting is given to stars with mass between 9 − 30 M⊙, a

small increase in weighting is given to stars with mass between 30 − 100 M⊙,

and a significant increase in weighting is given to stars with mass over 100 M⊙.

This means that the fraction of (P)PISN experiences the most noticeable increase
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when considering the top-heavy IMF. Tables 3.4 and 3.5 show that these fractions

are almost three times higher than those calculated using the Salpeter IMF. It

is important to note that despite a fraction of 0.066 of rotating massive stars

expected to result in PPISN at LMC metallicity (calculated using the top-heavy

IMF from Schneider et al. (2018) based on an area of the LMC), there have been

no confirmed observations of PPISN.
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3.2 Maximum black hole mass

The black hole mass, MBH, depends on the assumed mass of the ejecta. For

direct black holes, this is assumed to be zero and so MBH = Mfin. It is more

complicated when considering failed supernova explosions, as some (or all) of the

envelope could be ejected. Furthermore, when considering PPISN there will be

significant mass ejected due to the pulsations and so determining the black hole

mass is subject to uncertainties. Farmer et al. (2019) found that the black hole

mass is dependent on CO core mass and metallicity as per Eq. (3.2).

MBH =


4 +MCO MCO < 38 M⊙

a1M
2
CO + a2MCO + a3 logZ + a4 38 ≤ MCO ≤ 60 M⊙

0 MCO > 60 M⊙

(3.2)

where a1 = −0.096, a2 = 8.564, a3 = −2.07, a4 = −152.97.

Eq. (3.2) is not used in this work for black hole masses of stars that undergo failed

supernova and direct collapse as it is based on He stars only, and so MBH = Mfin

alone will be used for black holes formed by direct collapse below the PI mass gap

(MCO < 40 M⊙). Similarly, for black holes formed by direct collapse above the

PI mass gap, MBH = Mfin will also be used. MBH = MCO will be used for those

that undergo failed explosions, with both NS (BH) and BH (NS) remnant types,

assuming that they form black holes and eject their hydrogen and helium rich

envelope. For stars that end their lives as PPISN, Eq. (3.2) will be used within

the relevant MCO domain, and PISN leave no remnant, hence MBH = 0, as per

Eq. (3.2). Fig. 3.5 shows that the maximum black hole mass below the PI mass

gap for non-rotating stars is MBH,max = 92 M⊙ (at Z = 10−5), and for rotating

stars it is significantly lower with MBH,max = 61 M⊙ (also at Z = 10−5). This is

because they are predicted to directly collapse to black holes (see Fig. 3.2), and
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(a) Non-rotating

(b) Rotating

Figure 3.5: Black hole mass below the pair-instability gap.
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so MBH = Mfin. The final mass of the rotating models is lower than that of

the non-rotating models due to increased mass loss (see Figs. 2.3 and 2.4).

The recent detection of the GW190521 gravitational wave event involving a

black hole with mass 85 M⊙ challenged the existence of a PI mass gap between

MBH ≈ 50 − 130 M⊙ (Abbott et al., 2020; Fowler and Hoyle, 1964), but the

results in this work suggest that the mass gap may have a higher boundary than

first thought. This was also found in Vink et al. (2021), where it is predicted that

black holes of mass ∼ 90 M⊙ can form in low metallicity environments. This is

also in agreement with results from Winch et al. (2024), where a maximum black

hole mass below the PI mass gap of 93.3 M⊙ was found using rotating models

with Z = 10−3. Note that the region in Fig. 3.5a where there is a sharp decrease

in MBH for Z = 0.014 is due to PPISN, which have a lower predicted mass due

to mass lost during the pulsations. This is also seen in Fig. 3.5b for Z = 0.006,

but the mass is higher in this case. This is because Eq. (3.2) predicts higher

MBH than Mfin (which is used either side of this region), due to the significant

mass loss experienced by rotating models at this metallicity. Hence, the use of

Eq. (3.2) has limitations when considering the models in this work.

It is important to also consider the mass of black holes above the PI mass gap. As

per Fig. 3.2, direct black holes are predicted for both rotating and non-rotating

models at low metallicities (below that of the SMC). These black holes are pre-

dicted to have MBH = Mfin, which is very close to their initial mass as the models

lose little mass throughout their evolution. The heaviest black hole predicted in

this work has MBH = 465.8 M⊙, and lies above the PI mass gap. At the lower

end of the mass range considered, no black holes below 6 M⊙ are predicted by

design. Note that this is expected as there is another likely black hole mass gap

observed at 2− 5 M⊙ (Bailyn et al., 1998; Farr et al., 2011; Jonker et al., 2021).
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3.3 Supernova type

Supernova types are based on both the spectral and light curve properties of a

supernova explosion (see Fig. 1.8). In this work, this is based on the composi-

tion of the envelope which is retained by the star (if the envelope has not been

completely lost), as per Table 3.6. Alternatively, the surface mass fraction of hy-

drogen/helium could also be used to determine supernova type, with Yoshida and

Umeda (2011) using Xsurf
He = 0.5 as the boundary between Type Ib and Ic, but

this measure is less widely used than envelope masses. It is largely agreed that

the threshold amount of hydrogen when differentiating between Type II and Type

Ib supernovae is low, such that Wellstein and Langer (1999), Heger et al. (2003),

Yusof et al. (2013) and Yoon et al. (2010) use a threshold of M env
H < 0.5 M⊙ to

determine whether a star is free of hydrogen whereas Georgy et al. (2009) use

M env
H < 0.6 M⊙. Considering this, the choice M env

H < 0.5 M⊙ has been made in

this work. It is important to note that it is suggested in Georgy et al. (2009) that

a range of 0.6 < M env
H < 1.5 M⊙ gives very similar results for supernova type

(see Appendix C for a comparison of threshold choices, shown by Fig. C.1 and

C.2). The threshold for hydrogen poor/rich (and so between Type II and Ib su-

pernovae) is non-zero because the absence of H lines in spectra does not indicate

a complete absence of hydrogen in the envelope; factors such as the temperature

and density of the envelope are also important when considering the strength of

the H lines (Dessart et al., 2012). It is more difficult to choose a threshold amount

of helium to distinguish models which explode as Type Ic from Type Ib since it

is thought that the absence of He lines in spectra may not indicate absence of

helium in the envelope of the progenitor, since this helium may be hidden due to

very low 56Ni mixing (if any) (Dessart et al., 2012). Despite this, both Frey et al.

(2013) and Liu et al. (2016) determine that progenitors of Type Ic supernovae are

completely free of helium. Frey et al. (2013) used a mixing algorithm based on 3D

hydrodynamic simulations of massive stars to determine that the rates of mixing
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Table 3.6: Progenitor properties for different types of core-collapse SN. H/He
envelope mass at the end of core helium burning is given by M env

H/He respectively.

Envelope composition SN type

M env
H > 2 M⊙ M env

He > 0.5 M⊙ Type IIP

0.5 < M env
H < 2 M⊙ M env

He > 0.5 M⊙ Type IIL

M env
H < 0.5 M⊙ M env

He > 0.5 M⊙ Type Ib

M env
H < 0.5 M⊙ M env

He < 0.5 M⊙ Type Ic

are higher than thought by Dessart et al. (2012). This mixing brings the helium

into deeper, hotter layers of the star where it is burned to give O, resulting in

completely helium free progenitors for Type Ic supernovae. For consistency, the

choice M env
He < 0.5 M⊙ has been made in this work in alignment with the value

chosen for M env
H .

To obtain the mass of hydrogen/helium in the envelope, the H/He mass frac-

tion of each model was integrated throughout the star, since the CO core is free

of both hydrogen and helium by definition. This allowed for determination of

supernova type as described above. Additionally, models which are predicted to

directly collapse to black holes in Section 3.1 are not allocated a type since they

do not explode. Models resulting in BH (NS) or NS (BH) are allocated a type

since it is uncertain to what extent they would explode (if at all).

3.3.1 Expected results

It is expected that stars with higher initial mass will generally lose more of their

envelope as they evolve to higher luminosities, increasing the rate of mass loss

which they experience. Additionally, stars with higher metallicity will lose more

of their envelopes due to increased levels of mass loss. Due to this, more Type

II supernovae are expected at low metallicity, and more Type 1b/c supernovae
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are expected at higher metallicity. Rotation is expected to decrease the mini-

mum initial mass of progenitors of Type Ib/c supernovae as they will evolve to

higher luminosities than their non-rotating counterparts. Similarly, rotation will

decrease the number of Type II supernovae predicted as more models will lose

their envelopes.

3.3.2 Impact of metallicity

Firstly, the effect of changing initial mass and metallicity will be considered for

non-rotating models. Fig. 3.6a shows that when Mini < 40 M⊙ and Z < 0.01,

most massive stars are expected to explode as Type IIP supernovae. This is

because they experience low levels of mass loss during their evolution and so re-

tain most of their envelope, which is rich in both hydrogen and helium. When

0.006 < Z < 0.01 and 30 < Mini < 40 M⊙, there is a region where stars retain

a small amount of hydrogen in their envelope and so are expected to explode as

Type IIL supernovae. This marks an intermediate region between Type IIP and

Type Ib supernovae.

When Mini > 40 M⊙ and Z < 0.01, the dependence of supernova type on metal-

licity is stronger. It is important to note that stars in this region are predicted

to either collapse directly to black holes, or explode as either PPISN or PISN

of different types. PISN are indicated in Fig. 3.6a by the hatched region, then

PPISN occur in the region between direct BH and PISN. A discussion of the

supernova types of PISN will be presented in Section 3.4. When Z < 0.01 and

40 < Mini < 100 M⊙, all stars are expected to directly collapse to black holes.

When 100 < Mini < 325M⊙ and Z < 0.002, stars are expected to explode as Type

IIP supernovae as they retain an envelope rich in both hydrogen and helium. This

is due to the metallicity dependence of mass loss, given by Eq. (2.7), meaning

that these stars experience low levels of mass loss. At the boundary between Type
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IIP and Ib supernovae in Fig. 3.6a, there is a region where Type IIL supernovae

are expected to occur, when 0.002 < Z < 0.006 and 100 < Mini < 180 M⊙. This

region becomes very thin when Z = 0.002, extending from 200 < Mini < 500 M⊙,

as stars tend to either retain a hydrogen rich envelope or completely lose it, skip-

ping the intermediate region. Then, Type Ib supernovae are expected between

SMC and LMC metallicity for 200 < Mini < 500 M⊙. Apart from a single point

at Z = 0.006 and Mini = 120 M⊙ where one model is both H-poor and He-poor,

the remainder of this area of Fig. 3.6a is expected to explode as Type Ib super-

novae. This is because stars in this region are expected to lose all of the hydrogen

in their envelope, while retaining a significant amount of helium.

When 0.01 < Z < 0.014, the boundaries between Type IIP, IIL and Ib su-

pernovae decrease in initial mass. This is because stars at lower initial mass tend

to lose more of their envelope at higher metallicity. At higher metallicity, when

Z ≥ 0.014, initial mass has a more significant impact on supernova type than

metallicity. This is shown in Fig. 3.6a, as the boundaries between different super-

nova types are largely horizontal, with a gentle upwards slope. This means that

stars at supersolar metallicity explode as Type IIP supernovae at higher initial

mass than those at solar metallicity. Mass loss which occurs later in the evolu-

tion means that more of the envelope is lost, which is the case for models at solar

metallicity. After a region of expected Type IIL supernovae, Type Ib supernovae

are predicted. Then, when 50 < Mini < 70 M⊙, Type Ic supernovae are predicted

above solar metallicity. These stars are free of both hydrogen and helium, since

they experienced very high levels of post-MS mass loss. Stars between solar and

supersolar metallicity above this mass range are expected to directly collapse to

black holes. Hence, the impact of metallicity on supernova type is due to the

dependence of mass loss rates on the metallicity. This effect changes depending

on initial mass, which is related to the luminosity.
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(a) Non-rotating

(b) Rotating

Figure 3.6: Supernova type as a function of initial mass and metallicity. The
boundaries for each supernova type are given in Table 3.6.
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(a) Figure 2 from Heger et al. (2003).

(b) Adapted from Figure 3.6a in this work.

Figure 3.7: Comparison of supernova type as a function of initial mass and metal-
licity between results from Heger et al. (2003) and this work.
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Comparison to Heger et al. (2003)

Fig. 3.7a and 3.7b show a comparison between this work and that of Heger et al.

(2003). Although they appear qualitatively quite similar, there are major differ-

ences between the two plots, largely due to the differing mass loss prescriptions

used. The same threshold for stars that are considered H-poor, and so lead to

Type IIP supernovae, is used in this work and that of Heger et al. (2003). In

this work, Type IIP supernovae are expected above 100 M⊙ at low metallicity,

whereas Heger et al. (2003) suggested that the only Type IIP supernovae above

40 M⊙ are PISN, as they assume that all PPISN have no hydrogen envelope.

Similarly, Type IIL supernovae are only predicted in a very narrow mass range

at higher metallicity by Heger et al. (2003), but they are found across the whole

metallicity range considered in this work. Heger et al. (2003) do not differentiate

between Type Ib and Ic supernovae due to the uncertainties in how much helium

is present in the envelopes of their progenitors (as they only simulate He stars)

and so only limited comparisons can be made. Type Ib supernovae are found in a

similar initial mass range in this work as that by Heger et al. (2003). It appears as

if they are found at lower metallicity in this work, but the metallicity scale used

by Heger et al. (2003) does not allow for direct comparisons to be made. The

regions where there is direct collapse to black holes, PPISN and PISN is quali-

tatively similar in both Fig. 3.7a and 3.7b, but also has significant differences as

discussed in Section 3.1.2.

3.3.3 Impact of rotation

The impact of rotation can be seen in Fig. 3.6, and differs depending on both

initial mass and metallicity, due to the competing effects that rotation has on the

mass of hydrogen and helium in the envelope. The results on the Mini −Z plane

will be separated into four cases depending on the initial mass and metallicity,
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where the dominant effect due to rotation differs.

Case 1: low initial mass and low metallicity

When Mini < 40 M⊙ and Z < 0.01, the impact of rotation on supernova type

is limited. At Z = 10−5 in the rotating case, the boundary between Type IIP

and direct collapse to black hole is at much higher initial mass than in the non-

rotating case. Between 10−5 < Z < 0.002, this boundary falls to 40 M⊙, which

is where it is situated in the non-rotating case. Hence, the impact of rotation in

this region of Fig. 3.6b is limited to Z < 10−5, due to the interaction between the

hydrogen burning shell and helium burning core. The lower CO core mass means

that models at lower initial mass that would directly collapse to black holes in

the non-rotating case are predicted to successfully explode in the rotating case.

Case 2: low initial mass, higher metallicity

When Mini < 40 M⊙ and Z > 0.01, rotation has a few interesting effects. Firstly,

the boundaries between Type IIP, IIL and Ib supernovae become completely

horizontal, showing no dependence on metallicity. This is because models with

Mini ≥ 25 M⊙ completely lose their hydrogen envelope at both solar and su-

persolar metallicity. In the non-rotating case, the boundaries show more of a

metallicity dependence, since models at solar and supersolar metallicity do not

completely lose their hydrogen envelope at the same initial mass. On the other

hand, the boundary between Type Ib and Ic is more dependent on metallicity

such that stars at supersolar metallicity explode as Type Ic supernovae at lower

initial mass than their non-rotating counterparts. This is because more stars

at supersolar metallicity lose both their hydrogen and helium envelope due to

increased mass loss.

89



CHAPTER 3. DETERMINING THE FATE OF MASSIVE STARS

Case 3: high initial mass, low metallicity

When Mini > 40 M⊙ and Z < 0.01, Type IIP supernovae are only predicted

below SMC metallicity. This is similar to the non-rotating case, but Type IIL

supernovae are predicted at lower metallicities in the rotating case. This is be-

cause rotating stars evolve at higher luminosities and so experience higher rates

of mass loss which can partially strip the star of its hydrogen envelope, even at

metallicites below that of the SMC. Above Z = 0.006, stars are predicted to

directly collapse to black holes from 100 M⊙ to 300 M⊙, whereas no direct black

holes are predicted above Mini = 100 M⊙ and Z = 0.006 in the non-rotating case.

Additionally, no Type Ic supernova are predicted in this region, whereas in the

non-rotating case there is a point where they are predicted.

Case 4: high initial mass, higher metallicity

When Mini > 40 M⊙ and Z > 0.01, only direct collapse to black holes are

predicted in the rotating case. This was not the case for non-rotating stars, where

some stars in this region were predicted to explode as Type Ib supernovae. This

is because the rotating models lose more mass early in their evolution, leading to

CO core masses below 40 M⊙ at all initial masses.

3.3.4 Fraction of massive stars per supernova type

As with remnant type, the distribution of supernovae depends on the regions

identified in Fig. 3.6 and the choice of IMF. Supernovae types were weighted

using the same mass distributions as used for remnant type (see Section 3.1.4

for details). Results using the Salpeter IMF are given in Table 3.7, and those

calculated using the top-heavy IMF are given in Table 3.8.
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Impact of metallicity

The non-rotating case weighted by the Salpeter IMF will be considered first,

shown by the left panel of Fig. 3.8a. When Z = 10−5, a fraction of 0.909 of

massive stars explode as Type IIP supernovae. No other types of supernovae

are expected at this metallicity, with the remaining fraction of 0.091 directly col-

lapsing to black holes. The low rates of mass loss experienced by stars at this

metallicity means that the envelope is rich in both hydrogen and helium across

the range of initial masses considered in this work. As metallicity increases from

Z = 10−5 to Z = 0.014, the fraction of Type IIP supernovae decreases to 0.676.

Then, from Z = 0.014 to Z = 0.02, the fraction of Type IIP supernovae in-

creases to 0.763. This is because mass loss occurs later in the evolution of stars

with initial mass below 25 M⊙ at solar metallicity when compared to supersolar

metallicity. Note that models below 25 M⊙ at both metallicities have similar CO

core masses and final masses, it is only the envelope mass which differs. This

shows that they undergo a similar amount of mass loss throughout the whole

evolution, but models at solar metallicity undergo more mass loss later in the

evolution. The fraction of massive stars predicted to explode as Type IIL su-

pernovae is zero when Z = 10−5, increasing to 0.073 at solar metallicity. This

increase is due to increased levels of mass loss as metallicity increases. The frac-

tion of Type IIL supernovae decreases to 0.044 at supersolar metallicity, as more

stars are predicted to explode as Type IIP supernovae.

No stars at Z = 10−5 are expected to explode as Type Ib supernovae, since

they all have envelopes rich in hydrogen. From Z = 0.002 to Z = 0.014, the frac-

tion of massive stars expected to explode as Type Ib supernovae increases from

0.011 to 0.203 due to the increased rates of mass loss experienced by models at

this metallicity. This fraction falls to 0.122 at supersolar metallicity. The fraction

of massive stars predicted to explode as Type Ic supernovae is very low, or
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Table 3.7: Fraction of massive stars per supernova type, calculated using the IMF
from Salpeter (1955) with α = 2.35.

Z Type IIP Type IIL Type Ib Type Ic Direct BH

Non-rotating

10−5 0.909 0 0 0 0.091

0.002 0.898 0.009 0.011 0 0.082

0.006 0.833 0.053 0.028 0.001 0.086

0.014 0.676 0.073 0.203 0 0.048

0.02 0.763 0.044 0.122 0.026 0.044

Rotating

10−5 0.956 0 0 0 0.044

0.002 0.870 0.026 0.013 0 0.091

0.006 0.734 0.124 0.025 0 0.117

0.014 0.734 0.029 0.155 0 0.082

0.02 0.717 0.046 0.110 0.078 0.049
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Table 3.8: Fraction of massive stars per supernova type, calculated using the
top-heavy IMF from Schneider et al. (2018) with α = 1.9.

Z Type IIP Type IIL Type Ib Type Ic Direct BH

Non-rotating

10−5 0.844 0 0 0 0.156

0.002 0.807 0.021 0.036 0 0.135

0.006 0.710 0.069 0.077 0.001 0.142

0.014 0.540 0.075 0.273 0 0.112

0.02 0.630 0.050 0.165 0.045 0.110

Rotating

10−5 0.907 0 0 0 0.093

0.002 0.759 0.055 0.035 0 0.151

0.006 0.599 0.144 0.069 0 0.189

0.014 0.599 0.032 0.197 0 0.173

0.02 0.581 0.049 0.132 0.120 0.118
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(a) Salpeter IMF.

(b) Top-heavy IMF.

Figure 3.8: Plot of data from Table 3.7 and 3.8, with the fraction of massive stars
per supernova type piled up on top of each other as per the colour coding used
in Fig. 3.6.
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zero, across all metallicities considered. At EMP, SMC and solar metallicities,

no Type Ic supernovae are predicted. When Z = 0.006, a fraction of 0.001 is

expected to explode as Type Ic supernovae, while at Z = 0.02 the same fraction

is 0.026. These supernovae are predicted to be very rare for massive single stars,

as very few have envelopes free of both hydrogen and helium. Those that do tend

to have high initial mass, and so are not favourably weighted by the Salpeter

IMF. Finally, the fraction of massive stars predicted to directly collapse to black

holes is the same as discussed in Section 3.1.4. Hence, metallicity has a significant

impact on supernova type, due to the metallicity dependence of mass loss.

Impact of rotation

Now, the non-rotating and rotating cases (with Salpeter IMF weighting), will be

compared. The main differences are shown by Fig. 3.8a, with the two appearing

qualitatively similar. When Z = 10−5, the fractions are very similar between the

non-rotating and rotating case, with the only predicted outcomes being either a

Type IIP supernova or direct collapse to a black hole. In the rotating case, the

fraction of massive stars predicted to explode as Type IIP supernovae is 0.956,

which is higher than the same fraction in the non-rotating case. This is because

of the interaction between the hydrogen burning shell and helium burning core in

stars at this metallicity, with less rotating stars expected to directly collapse to

black holes when compared to non-rotating stars. The fraction of massive stars

expected to explode as Type IIL supernovae is higher for rotating stars when

0.002 ≤ Z ≤ 0.006, as more rotating stars partially lose their hydrogen envelope.

This fraction is lower than that for non-rotating stars at solar metallicity due to

the increased fraction of direct black holes. At supersolar metallicity, this fraction

is very similar between the non-rotating and rotating case, as shown by Fig. 3.8.

The fraction of massive stars predicted to explode as Type Ib supernovae is zero
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when Z = 10−5 for both non-rotating and rotating stars. When Z = 0.002, this

fraction is higher by 0.002 for rotating models, showing a small increase from the

non-rotating case. When Z ≥ 0.014, this fraction is lower for rotating stars. This

is because more rotating stars are expected to directly collapse to black holes,

which would have exploded as Type Ib supernovae in the non-rotating case. The

fraction of rotating massive stars expected to explode as Type Ic supernovae is

zero, apart from at supersolar metallicity where it is more than double that in

the non-rotating case. This is because more rotating stars are expected to be

completely free of both hydrogen and helium due to the increased mass loss rates

which they experience. Hence, the effect of rotation on supernova type is domi-

nated by increased mass loss, as well as the increased number of stars expected

to directly collapse to black holes.

Impact of using a top-heavy IMF

The fraction of massive stars per supernova type is qualitatively very similar

when comparing results weighted by either the Salpeter or top-heavy IMF, given

by Fig. 3.8. Using the top-heavy IMF results in a decrease in the fraction of

Type IIP supernovae, and an increase in the fraction of all other possibilities

across the whole range of metallicities considered. This is because stars that

explode as Type IIP supernovae generally have a lower initial mass (apart from

when Z = 10−5), and these stars make up less of the stellar population calculated

using the top-heavy IMF than the Salpeter IMF. The largest increase in fraction

is seen for direct black holes, as they occur within the initial mass range of

30− 100 M⊙ where the top-heavy IMF has the largest impact on the calculated

population, as per Section 3.1.4.
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3.4 Pair-instability supernova types

Despite the lack of observational evidence for PISN, it is still important to con-

sider the proportion of supernovae which may be PISN as they have very different

nucleosynthetic yields, as shown by Fig. 3.9. It shows that the odd-even effect is

more significant for PISN than core-collapse supernovae, alongside higher abun-

dances of Si, S, Ar and Ca due to the explosive oxygen burning (Kobayashi, 2015).

This has implications within the field of Galactic chemical evolution, where these

nucleosynthetic yields are used within simulations of chemical enrichment pro-

cesses. However, Kobayashi et al. (2020) did not include effects from PISN in

their Galactic chemical evolution models due to the lack of observational evi-

dence. Hence, advancements in understanding whether PISN are likely to occur

will be important if the observational data does become available. Additionally,

the fraction of supernovae expected to be PISN is important when considering

the black hole mass distributions found in gravitational wave events (Marchant

et al., 2016; Farmer et al., 2019; Winch et al., 2024), in particular the PI mass

gap discussed in Section 3.2.

Fig. 3.10 shows the proportion of all supernovae of a particular type which are

expected to be PISN, with the data given in Table D.1 and D.2 in Appendix D.

It is important to note that no PISN are expected at solar or supersolar metal-

licities, for both the non-rotating and rotating case using both variations of the

IMF. Firstly, the impact of metallicity will be considered, for the non-rotating

case calculated using the Salpeter IMF. When Z = 10−5, the fraction of Type

IIP supernova expected to be PISN is small, at 0.014. This fraction is lower, at

0.004, when Z = 0.002. However, the fraction of Type IIL supernovae expected

to be PISN is significantly higher, at 0.424, and all Type Ib supernovae at SMC

metallicity are expected to be PISN. When Z = 0.006, no Type IIP/L supernovae

are expected to be PISN, and the fraction of Type Ib supernovae expected to be
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Figure 3.9: A comparison of the yields of PISN with that of hypernovae, faint
supernovae and Type Ia supernovae. Taken from Nomoto et al. (2013) (Fig. 8).

PISN is 0.476, which is lower than when Z = 0.002. Hence, the impact of

metallicity depends on the supernova type considered. The fraction of Type

IIP supernovae expected to be PISN decreases as metallicity increases, reaching

0 when Z = 0.006. This is because PISN have progenitors at low metallicity

which are VMS, and progenitors of Type IIP supernovae are generally not VMS

when Z > 0.002. The fraction of Type Ib supernovae expected to be PISN falls

from 1 when Z = 0.002 to 0 when Z = 0.0014, as PISN are only expected at low

metallicity. The most significant effect of rotation on PISN types is the significant

decrease in the fraction of Type Ib supernovae expected to be PISN from 0.476

in the non-rotating case to 0.030 in the rotating case. This is because PISN are

only expected when Z ≤ 0.006 in the rotating case due to lower CO core masses

than in the non-rotating case. Using the top-heavy IMF results in an increase in

all of the fractions, other than those equal to either 0 or 1; the choice of IMF has

a significant impact on the fraction of Type IIP supernovae expected to be PISN,

and very little impact on that of Type IIL and Ib. Note that the gaps in Table

D.1 and D.2 mean that no supernovae of that type are predicted at the given
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metallicity. See Appendix D for data on the fraction of PPISN and PISN of

different types.

3.5 Comparison to observations

Table 3.9 gives a comparison between the proportions of different supernova types

found in this work, compared to observational results from Smith et al. (2011)

and Li et al. (2011). The observational results show a lower fraction of Type

IIP supernovae than the fraction found in this work. This is not affected by

choice of IMF, or whether the rotating or non-rotating case is considered. Both

Smith et al. (2011) and Li et al. (2011) also show a significantly higher fraction of

Type Ic supernovae than that found in this work, again regardless of rotation or

IMF choice. The observational fraction of Type IIL supernovae is slightly higher

than predicted in this work. The observational fractions of Type Ib supernovae

vary from Smith et al. (2011) to Li et al. (2011), but are relatively consistent

with the fractions predicted in this work, though the fractions calculated using

the top-heavy IMF are higher than the observational range in Type Ib fraction.

This suggests that the Salpeter IMF may be more representative in this case.

It is important to acknowledge that it is difficult to make comparisons to ob-

servational results due to the large fraction of massive stars that exist in binary

systems (Sana et al., 2012). The results presented in this chapter only consider

single stars, and there is no way to separate the observational data for binary

and single stars. Hence, it is difficult to tell where the differences between the

observational data and the results presented in this chapter originate from, due

to the significant effects that binary interactions can have on the fate of massive

stars (see Section 3.6 for more detail).
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Table 3.9: Comparison of the fraction of massive stars per supernova type across
all metallicities calculated in this work and observational fractions of supernovae
from Smith et al. (2011) and Li et al. (2011).

Type IIP Type IIL Type Ib Type Ic

Smith et al. (2011) 0.629 0.084 0.093 0.194

Li et al. (2011) 0.656 0.094 0.070 0.180

Non-rotating

Salpeter IMF 0.877 0.039 0.078 0.006

Top-heavy IMF 0.813 0.049 0.127 0.011

Rotating

Salpeter IMF 0.869 0.049 0.065 0.017

Top-heavy IMF 0.805 0.066 0.101 0.028

Overall, these differences suggest that most Type Ic supernovae result from stars

in binary systems, where the hydrogen envelope has been removed through mass

transfer. Observations of PISN are expected to present as superluminous super-

novae with broad light curves (Gal-Yam, 2012). PISN are difficult to find with

optical transient surveys as they are expected to occur at high redshift (due to

the low metallicity of their progenitors), and so are faint in the optical wavelength

range. For example, there is a deep optical survey with Subaru/Hyper Suprime-

Cam (HSC), aimed at finding PISN candidates, but it has so far not found any

(Moriya et al., 2021). Instead, the use of near-infrared instruments is more suit-

able for searching for PISN as they are bright in the near-infrared range. In the

next decade, several wide-field near-infrared instruments are planned, such as

the near-infrared wide-field instrument on the recently launched Euclid satellite

(Scaramella et al., 2022) and the Wide Field Instrument on the Nancy Grace Ro-

man space telescope (Spergel et al., 2015), which have the potential to find PISN

candidates. However, there are currently no confirmed observations of PISN, and

so no comparisons can be made in this case.
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3.6 Effect of binarity

Most massive stars form in multiples and interactions between massive binary

stars are common as they tend to exist in close binary systems (Chini et al., 2012;

Sana et al., 2012; Preibisch et al., 2001). Due to this, it is important to consider

the effect that binarity would have on the results presented in this chapter. For a

more in-depth description of the ways binarity affects stellar evolution in general,

see the review by Langer (2012).

3.6.1 Mass transfer

Firstly, the impact of mass transfer will be discussed. There are three different

scenarios in which mass transfer can occur (known as Cases, see Kippenhahn

et al. (1990); Podsiadlowski et al. (1992)):

• Case A: In very close binaries, the mass transfer occurs when the donor

star is still on the main-sequence.

• Case B: The mass transfer occurs when the donor star is no longer on the

main-sequence, during core helium burning.

• Case C: The mass transfer occurs after the donor star has finished core

helium burning.

Mass transfer occurs when one of the stars in the binary systems overfills its

Roche lobe, which is the region around the star where material is gravitationally

bound to it. Roche lobes are approximated by a volume-equivalent radius using

the fit from Eggleton (1983), given by Eq. (3.3).

RRL,1(q) = f(q)a, f(q) =
0.49q2/3

0.6q2/3 + ln (1 + q1/3)
, (3.3)

where q = m1/m2 is the mass ratio, RRL,1 is the Roche lobe radius of the star

with mass m1 and a is the orbital separation.
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Stars with higher initial mass generally have shorter lifetimes and so it is usually

the more massive star (m = m1) which loses mass as the donor star, and the less

massive star (m = m2) that gains mass. Additionally, the mass ratio can invert

if the initially most massive star loses enough mass. When the donor has a radia-

tive envelope (generally Case A mass transfer), the envelope has a smaller radius

after losing mass, and so experiences stable mass transfer. However, convective

envelopes either have a constant or slightly larger radius while the Roche lobe

radius has decreased, and so experience unstable mass transfer (see Paczynski

and Sienkiewicz (1972) for details). In this case, a common envelope phase will

occur, resulting in a very close system where the donor has become a completely

stripped core as its whole envelope has become unbound. Note that this is a sim-

plified view of events, and the radius of the donor star depends on many factors

(Podsiadlowski et al., 1992).

Mass transfer has a significant impact on the evolution of both stars involved,

and so will influence their respective fates. If the mass transfer occurs before the

end of core helium burning (Case A or B), it can change the mass of the donor

star’s convective core. This means that it would end core helium burning with

a smaller CO core mass, and so this would affect the remnant type predicted in

this work. It may possibly result in more NS, and reduce the fraction of massive

stars expected to end their lives as PISN, as this requires that very high CO core

masses are retained. Additionally, loss of the envelope means that the fraction

of massive stars expected to explode as Type Ib/c supernovae would be higher

when including effects due to mass transfer. On the other hand, the secondary

star in the binary system would have a larger envelope mass, and so may retain

more hydrogen/helium in the envelope than if it were a single star. Hence, the

effects that mass transfer has on the fate of massive stars is complicated! It is

important to note that De Donder and Vanbeveren (2002) found that including
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binary stars in models of galactic chemical evolution had only a moderate effect

on yield, suggesting that considering only single stars is sufficient for the purposes

of this work.

3.6.2 Tidal interactions

In close binary systems, stars tend to synchronise their rotation to the orbital

period, causing tidal mixing that dissipates the excess kinetic energy (Zahn, 1975,

1977, 2013). The time needed for synchronisation is given by Eq. (3.4) from Zahn

(1977).

1

tsynch
= − d

dt

∣∣∣∣2(Ω− ω)

ω

∣∣∣∣−5/3

= 5 · 25/3
(
GM

R3

)1/2
MR2

I
q2(1 + q)5/6 E2

(
R

a

)17/2

(3.4)

where Ω is the star’s angular velocity, ω is the orbital angular velocity, I is the

inertia of the star and E2 is the structure constant, which describes coupling be-

tween the tidal potential near the interface of the convective core and radiative

envelope and the gravity mode dissipating it close to the surface of the star.

These internal tides increase rotational mixing, and so increase the effects of

rotation even further. Additionally, this leads to the star being very compact,

as it is in quasi-chemical equilibrium throughout its evolution. This means that

it is less likely to overfill its Roche lobe, and so may prevent any resulting mass

transfer. Hence, the effects of mass transfer on the fate of massive stars may be

less significant than described in Section 3.6.1. Fig. 3.11 shows numerous possible

intermediate products and end-points of the evolution of massive binary stars.

This shows the complexity of considering binary interactions when determining

the fate of massive stars, and illustrates why it is beyond the scope of this work.
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Figure 3.11: The evolution of massive binary stars up to the formation of a GW
source, showing various intermediate products, with the phases in blue boxes
showing the end points of binary evolution. Taken from Marchant and Boden-
steiner (2023) (Fig. 4).

See Eldridge et al. (2017) for an example of how stellar evolution models can

include effects due to binarity.
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Conclusions

In this thesis, the relationship between the life and death of massive single stars

has been explored, resulting in the determination of their final fates from the

properties of grids of stellar models at the end of core helium burning. The im-

pact of varying the initial mass, metallicity and rotation on the fate of massive

stars will be summarised in this final chapter. As initial mass is varied, different

fates are found. At low initial mass, most massive stars are found to result in

Type IIP supernovae and the formation of a neutron star. Then, as the initial

mass increases, stars are less likely to successfully explode, and so are more likely

to form black holes. Very massive stars are expected to end their lives as either

PPISN or PISN (at low metallicity), or direct collapse to black holes (at higher

metallicity). Extremely metal poor stars with the highest initial masses are also

expected to directly collapse to black holes. Hence, varying the initial mass has

a significant impact on the fate of massive stars.

This has also been explored through choice of IMF, considering different mass

distributions and how this affects the results presented. The use of a top-heavy

IMF allows for a closer match to observational data on supernova type than the

use of the Salpeter IMF, possibly suggesting that the top-heavy IMF is a better
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match for the mass distribution of massive stars. However, the observational data

does not exclude supernovae resulting from stars in binary systems, and so any

comparisons should be treated with caution.

As the metallicity is increased, the rates of mass loss on the main sequence also

increase, as per Eq. (2.7). This results in reduced CO core masses at higher

metallicities, having various impacts on the remnant it leaves behind. In par-

ticular, very massive stars with low metallicity can end their lives as PISN and

so leave behind no remnant. As long as the star does not become a RSG, in-

creasing the metallicity also increases the rate of post-main sequence mass loss.

This means that a significant proportion of the envelope may be lost, possibly

resulting in Type Ib/c supernovae. Hence, metallicity has a significant impact on

the final fate of massive stars as a whole, with both the remnant and supernova

type showing a strong dependence on the metallicity.

Rotation has also been shown to have a significant impact on the fate of massive

stars. It has two main competing effects: increased mixing tends to increase the

CO core mass, and increased mass loss tends to decrease the CO core mass and

H/He envelope mass. In addition to these effects, an unusual boost in the hy-

drogen burning shell of extremely metal poor models leads to a decrease in the

CO core mass, which was unexpected. The dominant effect of rotation differs

depending on initial mass and metallicity. Hence, rotation has different effects

on the fate of massive stars depending on the other parameters considered.

One important direction for future research concerns pair-instability supernovae.

If upcoming near-infrared wide-field surveys do not find potential PISN candi-

dates at high redshift, then the theoretical framework on which the predictions

in this work are based may need to be re-evaluated. Furthermore, if there are
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detections of gravitational wave events involving merging black holes with masses

within the predicted mass gap, this may also challenge existing theory. The effect

of varying metallicity on the IMF is another avenue for further exploration due

to its uncertain nature, with the aim of calculating more accurate proportions

of different remnant/supernova types from massive single stars to compare with

observational data. Although a brief consideration of the effects of binarity on

the fate of massive stars has been given, future studies could include quantitative

analysis of these effects, through the inclusion of models of massive binary stars.

The most significant, novel findings of this work are summarised in the following

list:

• The competing effects that rotation has on the evolution of massive stars

results in it having a complex effect on both remnant and supernova type,

depending on the initial mass and metallicity of the star.

• A pair-instability mass gap is expected when considering the distribution

of black hole massses, from ∼ 92 M⊙ to ∼ 250 M⊙. Extremely metal poor

stars with the highest initial masses are expected to directly collapse to

black holes with mass above the pair-instability mass gap.

• Pair-instability supernovae and pulsation pair-instability supernovae are

predicted at metallicities lower than solar, and initial masses greater than

100 M⊙.

Understanding the fate of massive stars, and how it is impacted by various fac-

tors, has important applications across many different fields within astrophysics.

The way in which massive stars die, both the type of supernova they produce

and the type of compact remnant they leave behind, has significant effects on

models of galactic chemical evolution, nucleosynthetic yields, gravitational wave

astronomy, and also provides the necessary context for the interpretation of obser-

109



CHAPTER 4. CONCLUSIONS

vational data. Since observations are generally limited to the surface properties

of stars, the use of models and assumptions is important when considering the

internal properties of massive stars. The fate of a massive star has its basis in

both internal and surface properties, in particular the CO core mass and compo-

sition of the envelope. The grids of one-dimensional stellar evolution models used

in this work have been calculated over the past decade, covering a wide range

on initial masses, metallicities and considering models with and without rotation.

This allows for analysis of how the properties, and the fate, of massive stars varies

across this parameter space.

There are still many uncertainties to consider when using stellar evolution models,

such as the mass loss prescriptions used and the extent of their convective zones.

Using observational constraints and multi-dimensional stellar evolution models,

these uncertainties can hopefully be reduced in the future as our understanding

of stellar evolution continues to advance.
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Table B.1: Initial mass (Mini), final total mass (Mfin), helium core mass (Mα), CO
core mass (MCO), H envelope mass (M env

H ), He envelope mass (M env
He ), followed

by remnant and SN type of the models with Z = 10−5 (EMP).

Mini vini/vcrit Mfin Mα MCO M env
H M env

He Remnant type SN type

9 0 9.00 2.46 1.02 4.74 3.11 NS Type IIP

9 0.4 9.00 2.68 1.12 4.20 3.51 NS Type IIP

12 0 12.00 3.36 1.58 6.04 4.23 NS Type IIP

12 0.4 12.00 3.46 1.59 5.33 4.81 NS Type IIP

15 0 14.99 4.36 2.28 7.18 5.36 NS Type IIP

15 0.4 14.99 5.20 2.63 5.80 5.48 NS Type IIP

20 0 20.00 6.18 3.75 8.82 7.24 NS Type IIP

20 0.4 20.00 5.47 2.98 6.82 8.27 NS Type IIP

25 0 25.00 8.32 5.55 10.18 9.07 NS Type IIP

25 0.4 25.00 8.50 5.52 7.92 10.48 NS Type IIP

30 0 29.99 10.67 7.57 11.34 10.84 BH (NS) Type IIP

30 0.4 22.84 7.67 4.81 4.23 10.68 NS Type IIP

40 0 39.99 15.38 11.67 13.37 14.60 NS (BH) Type IIP

40 0.4 39.84 5.47 3.14 8.49 20.58 NS Type IIP

60 0 60.00 25.73 20.94 17.18 21.27 BH Direct BH

60 0.4 56.61 17.46 13.42 10.58 24.36 BH Direct BH

85 0 84.99 37.42 31.63 21.66 30.69 BH Direct BH

85 0.4 57.22 44.28 37.36 2.13 14.67 BH Direct BH

120 0 98.45 54.20 48.00 12.86 35.28 PPISN Type IIP

120 0.4 86.62 68.53 59.50 2.88 20.02 PPISN Type IIP

150 0 128.59 67.52 58.88 17.59 49.96 PPISN Type IIP

150 0.4 131.84 94.72 86.62 7.43 37.03 PISN Type IIP

200 0 168.21 93.16 83.24 19.43 64.24 PISN Type IIP

200 0.4 158.24 134.54 123.50 2.90 27.29 PISN Type IIP

300 0 245.66 142.38 117.67 22.37 89.36 PISN Type IIP

300 0.4 282.38 266.28 247.63 1.06 22.14 BH Direct BH

500 0 465.80 252.54 235.23 24.49 198.12 BH Direct BH

500 0.4 462.66 433.15 404.05 1.62 36.09 BH Direct BH
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Table B.2: Initial mass (Mini), final total mass (Mfin), helium core mass (Mα), CO
core mass (MCO), H envelope mass (M env

H ), He envelope mass (M env
He ), followed

by remnant and SN type of the models with Z = 0.002 (SMC).

Mini vini/vcrit Mfin Mα MCO M env
H M env

He Remnant type SN type

9 0 8.89 2.49 1.00 4.65 3.09 NS Type IIP

9 0.4 8.98 2.85 1.14 4.14 3.39 NS Type IIP

12 0 11.91 3.60 1.73 5.88 4.03 NS Type IIP

12 0.4 11.87 3.84 1.80 5.09 4.79 NS Type IIP

15 0 14.78 4.60 2.41 6.91 5.27 NS Type IIP

15 0.4 14.77 4.97 2.59 5.86 5.95 NS Type IIP

20 0 19.70 6.53 4.00 8.44 7.01 NS Type IIP

20 0.4 19.25 7.09 4.24 6.65 7.63 NS Type IIP

25 0 24.40 8.47 5.66 9.52 8.92 NS Type IIP

25 0.4 22.75 9.50 6.25 6.38 9.11 BH (NS) Type IIP

32 0 23.90 11.77 8.59 5.64 9.31 NS (BH) Type IIP

32 0.4 24.67 13.03 9.36 4.10 9.97 NS (BH) Type IIP

40 0 29.55 14.92 11.39 5.74 11.96 NS (BH) Type IIP

40 0.4 29.14 17.48 13.37 4.05 10.32 BH Direct BH

60 0 37.91 25.19 20.43 4.08 12.58 BH Direct BH

60 0.4 39.44 31.38 26.70 4.05 10.31 BH Direct BH

85 0 48.75 37.53 32.26 3.00 12.12 BH Direct BH

85 0.4 51.34 49.47 43.59 1.68 10.21 PPISN Type IIL

120 0 64.15 55.65 49.57 1.75 11.56 PPISN Type IIL

120 0.4 86.09 84.78 76.61 1.67 10.20 PISN Type IIL

150 0 84.97 70.91 63.39 2.69 16.78 PISN Type IIP

150 0.4 106.68 106.68 93.78 0.27 5.02 PISN Type Ib

200 0 105.92 98.86 68.49 0.02 8.18 PISN Type Ib

200 0.4 129.34 129.34 116.66 0.06 4.30 PISN Type Ib

300 0 164.44 158.59 116.57 0.08 31.35 PISN Type Ib

300 0.4 149.78 149.78 134.10 0.00 3.18 BH Direct BH

115



APPENDIX B. DATA TABLES

Table B.3: Initial mass (Mini), final total mass (Mfin), helium core mass (Mα), CO
core mass (MCO), H envelope mass (M env

H ), He envelope mass (M env
He ), followed

by remnant and SN type of the models with Z = 0.006 (LMC).

Mini vini/vcrit Mfin Mα MCO M env
H M env

He Remnant type SN type

9 0 8.65 2.27 0.88 4.57 2.93 NS Type IIP

9 0.4 8.80 2.56 1.00 4.16 3.44 NS Type IIP

12 0 10.95 3.26 1.47 5.30 3.86 NS Type IIP

12 0.4 11.25 3.81 1.77 4.68 4.11 NS Type IIP

15 0 14.00 4.46 2.30 6.35 5.03 NS Type IIP

15 0.4 14.15 5.05 2.68 5.43 5.58 NS Type IIP

20 0 15.33 6.46 3.94 5.19 5.68 NS Type IIP

20 0.4 13.80 7.13 4.33 3.04 5.58 NS Type IIP

25 0 12.04 8.47 5.70 5.17 5.67 NS Type IIP

25 0.4 12.42 9.35 6.28 1.18 4.09 BH (NS) Type IIL

32 0 12.51 11.43 8.37 1.48 4.51 NS (BH) Type IIL

32 0.4 13.99 13.43 9.91 1.18 4.08 NS (BH) Type IIL

40 0 15.55 14.95 11.53 1.47 4.50 NS (BH) Type IIL

40 0.4 19.41 18.89 14.89 0.09 2.36 BH Direct BH

60 0 22.92 22.92 18.23 0.39 3.13 BH Direct BH

60 0.4 33.03 33.03 28.25 0.09 2.35 BH Direct BH

85 0 31.53 31.53 26.15 0.16 2.73 BH Direct BH

85 0.4 35.93 35.93 29.93 0.09 2.35 BH Direct BH

120 0 54.62 54.62 47.27 0.00 0.48 PPISN Type Ic

120 0.4 52.58 52.58 45.08 0.08 2.32 PPISN Type Ib

150 0 59.68 59.68 51.72 0.00 0.79 PPISN Type Ib

150 0.4 45.67 45.67 38.70 0.08 2.31 BH Direct BH

180 0 71.06 71.06 63.49 0.00 1.19 PISN Type Ib

200 0.4 51.11 51.11 43.55 0.00 1.41 PPISN Type Ib

300 0 91.35 91.35 82.30 0.00 1.13 PISN Type Ib

300 0.4 54.14 54.14 46.45 0.00 0.88 PPISN Type Ib

500 0 94.68 94.68 82.18 0.00 1.68 PISN Type Ib

500 0.4 74.89 74.89 65.37 0.00 1.27 PISN Type Ib
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Table B.4: Initial mass (Mini), final total mass (Mfin), helium core mass (Mα), CO
core mass (MCO), H envelope mass (M env

H ), He envelope mass (M env
He ), followed

by remnant and SN type of the models with Z = 0.014 (solar).

Mini vini/vcrit Mfin Mα MCO M env
H M env

He Remnant type SN type

9 0 8.80 2.21 0.83 4.62 3.07 NS Type IIP

9 0.4 8.58 2.92 1.18 3.61 3.34 NS Type IIP

12 0 11.36 2.95 1.26 5.68 3.91 NS Type IIP

12 0.4 10.31 3.83 1.83 4.08 3.56 NS Type IIP

15 0 13.34 4.20 2.11 5.87 5.04 NS Type IIP

15 0.4 11.19 5.01 2.69 3.38 4.01 NS Type IIP

20 0 9.02 6.14 3.67 1.33 3.67 NS Type IIL

20 0.4 7.55 7.04 4.36 3.38 4.01 NS Type IIP

25 0 8.77 8.06 5.34 0.28 2.57 NS Type Ib

25 0.4 9.91 9.59 6.54 0.15 2.33 BH (NS) Type Ib

32 0 11.17 10.74 7.72 0.12 2.55 BH (NS) Type Ib

32 0.4 10.21 10.21 7.05 0.15 2.33 BH (NS) Type Ib

40 0 13.92 13.86 10.40 0.00 2.23 NS (BH) Type Ib

40 0.4 12.41 12.41 9.01 0.03 2.01 NS (BH) Type Ib

60 0 12.57 12.57 9.18 0.00 0.52 NS (BH) Type Ib

60 0.4 18.07 18.07 13.97 0.00 0.51 BH Direct BH

85 0 18.72 18.72 14.67 0.00 0.57 BH Direct BH

85 0.4 26.49 26.49 21.47 0.00 0.54 BH Direct BH

120 0 31.00 31.00 25.64 0.00 0.71 BH Direct BH

120 0.4 19.12 19.12 14.87 0.00 0.60 BH Direct BH

150 0 41.26 41.26 34.96 0.00 0.87 BH Direct BH

150 0.4 20.31 20.31 16.10 0.00 0.68 BH Direct BH

200 0 49.42 49.42 42.50 0.00 0.82 PPISN Type Ib

200 0.4 22.01 22.01 17.57 0.00 0.60 BH Direct BH

300 0 38.24 38.24 32.17 0.00 0.84 BH Direct BH

300 0.4 24.01 24.01 19.43 0.00 0.63 BH Direct BH

500 0 29.84 29.84 24.21 0.00 0.82 BH Direct BH

500 0.4 25.91 25.91 21.05 0.00 0.70 BH Direct BH
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Table B.5: Initial mass (Mini), final total mass (Mfin), helium core mass (Mα), CO
core mass (MCO), H envelope mass (M env

H ), He envelope mass (M env
He ), followed

by remnant and SN type of the models with Z = 0.02 (supersolar).

Mini vini/vcrit Mfin Mα MCO M env
H M env

He Remnant type SN type

9 0 8.80 1.21 1.14 4.55 2.95 NS Type IIP

9 0.4 8.74 1.83 1.31 4.05 3.12 NS Type IIP

12 0 11.56 2.98 1.58 4.55 2.95 NS Type IIP

12 0.4 10.36 3.68 2.14 4.05 3.12 NS Type IIP

15 0 13.09 4.09 2.24 5.71 4.01 NS Type IIP

15 0.4 10.83 5.22 3.09 4.08 3.50 NS Type IIP

20 0 8.45 6.03 3.68 5.63 4.83 NS Type IIP

20 0.4 7.27 7.14 4.66 3.15 3.70 NS Type IIP

25 0 8.04 8.04 5.37 1.12 3.25 NS Type IIL

25 0.4 9.08 9.08 6.67 0.01 1.22 BH (NS) Type Ib

32 0 10.71 10.71 7.77 0.00 1.92 BH (NS) Type Ib

32 0.4 9.80 9.80 7.16 0.00 1.07 BH (NS) Type Ib

40 0 11.33 11.33 8.64 0.00 2.22 NS (BH) Type Ib

40 0.4 11.63 11.63 8.97 0.00 0.32 NS (BH) Type Ic

60 0 10.77 10.77 8.24 0.00 0.33 NS (BH) Type Ic

60 0.4 12.87 12.87 9.93 0.00 0.40 NS (BH) Type Ic

85 0 16.21 16.21 12.91 0.00 0.38 BH Direct BH

85 0.4 16.64 16.64 13.25 0.00 0.39 BH Direct BH

120 0 23.40 23.40 19.15 0.00 0.43 BH Direct BH

120 0.4 22.26 22.26 18.05 0.00 0.42 BH Direct BH

150 0 30.92 30.92 26.07 0.00 0.49 BH Direct BH

200 0 35.65 35.65 30.02 0.00 0.63 BH Direct BH

200 0.4 34.64 34.64 29.09 0.00 0.48 BH Direct BH

300 0 22.23 22.23 18.08 0.00 0.69 BH Direct BH

300 0.4 25.24 25.24 20.62 0.00 0.67 BH Direct BH

500 0 25.55 25.55 20.31 0.00 0.67 BH Direct BH

500 0.4 25.24 25.24 20.62 0.00 0.67 BH Direct BH
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APPENDIX C. SUPERNOVA TYPE

Figure C.1: Supernova types for non-rotating models using different definitions
for hydrogen and helium free envelopes. Solid lines indicate the original choice of
hydrogen/helium free threshold of 0.5 M⊙, whereas the dotted lines use 1 M⊙ as
the threshold to define hydrogen/helium free stars.

Figure C.2: Supernova types for rotating models using different definitions for
hydrogen and helium free envelopes. Lines and regions have the same meaning
as in Fig. C.1.
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Table D.1: Fraction of different supernovae types that are predicted to be PISN,
calculated using the Salpeter IMF (Salpeter, 1955).

Z Type IIP Type IIL Type Ib

Non-rotating

10−5 0.014

0.002 0.004 0.424 1

0.006 0 0 0.476

0.014 0 0 0

0.02 0 0 0

Rotating

10−5 0.015

0.002 0 0.510 1

0.006 0 0 0.030

0.014 0 0 0

0.02 0 0 0
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Table D.2: Fraction of different supernovae types that are predicted to be PISN,
calculated using the top-heavy IMF from Schneider et al. (2018).

Z Type IIP Type IIL Type Ib

Non-rotating

10−5 0.044

0.002 0.011 0.467 1

0.006 0 0 0.552

0.014 0 0 0

0.02 0 0 0

Rotating

10−5 0.040

0.002 0 0.541 1

0.006 0 0 0.044

0.014 0 0 0

0.02 0 0 0
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Table D.3: Fraction of massive stars per supernova type for PPISN and PISN,
calculated using the IMF from Salpeter (1955) with α = 2.35.

Z Type IIP Type IIL Type Ib Type Ic

Non-rotating

10−5 1 0 0 0

0.002 0.379 0.277 0.344 0

0.006 0 0 0.978 0.022

0.014 0 0 1 0

Rotating

10−5 1 0 0 0

0.002 0.041 0.645 0.315 0

0.006 0 0 1 0

Figure D.1: Plot of data from Table D.3.
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Table D.4: Fraction of massive stars per supernova type for PPISN and PISN,
calculated using the top-heavy IMF from Schneider et al. (2018) with α = 1.9.

Z Type IIP Type IIL Type Ib Type Ic

Non-rotating

10−5 1 0 0 0

0.002 0.326 0.250 0.424 0

0.006 0 0 0.982 0.018

0.014 0 0 1 0

Rotating

10−5 1 0 0 0

0.002 0.033 0.589 0.378 0

0.006 0 0 1 0

Figure D.2: Plot of data from Table D.4.
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